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Memory Lane

I arrived in L’Aquila in 1994 to start my Ph.D. together with a few other people you might know…



Memory Lane
 February 1994, From CP violation in B0-B0 mixing to white dwarves and the Colgate 

mechanism (explode things in decreasing density) 

 1994 - Navarra and Ginzburg… from SNR1987a to anomalous γ’s  

 1995 - Clusters of Galaxies —- Venya and Vladimir Ptuskin 

 1996 - Relativistic shocks — Venya and Bohdan Hnatyk 

 July 1997 - End of the Ph.D…. offer from Ray Protheroe… ops no, by David Schramm 

 December 1997 - David passes…  

 1998 - Super-heavy relics - Venya and Alex Vilenkin 

 2007: Venya passes the baton to me, Editor of Astroparticle Physics (now Damiano) 

 2012: neutrinos from PopIII stars - back to the bright phase of an old idea  

 Continued collaboration with Roberto and Venya and a deep friendship that 
continued to the very end  

 Venya did not teach only a lot of Physics,.. he was proud of saying that he could 
teach a way to be a physicist … and he taught me the art of story telling, in which he 
was not less of a master

Spotting the Galactic Center



What do we need to understand?

 A couple of decades ago it would have been unthinkable to think of nuclei as UHECR 

 Now it is unthinkable to ignore nuclei and Rmax~5 EV … much easier problem of particle 
acceleration 

 Disturbingly hard source spectra required (perhaps what we get is heavily affected by 
phenomena occurring around the sources or en route) 

 Yet extra-Galactic protons appear to have a much different spectrum than nuclei 

 Issue of transition from Galactic to extra-Galactic CRs crucial and not understood 

 How can one not consider this a “disappointing model”?
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 Particle acceleration at relativistic shocks and some applications 

 Stochastic particle acceleration in relativistic turbulence 

 Particle acceleration at fast rotating neutron stars 

 Starburst galaxies and UFOs 

 Particle acceleration during large scale structure formation

OUTLINE

See talk by D. Caprioli for acceleration in jetted sources
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SIMPLE CONSIDERATIONS

• MOST OF THE UNIVERSE IS IN A PLASMA STATE: THE 
ONLY ELECTRIC FIELDS YOU GET ARE INDUCED BY 
PLASMA MOTION: δE~(V/c)B 

• ONLY ELECTRIC FIELDS CAN CHANGE THE PARTICLE 
ENERGY 

If the electric field could stay coherent over a scale R and the 
particles were moving at c then

But  in  a  plasma  this  does  not  usually  happen  (unless  some 
specific conditions are fulfilled)

Hence:  NEED TO STAY IN THE ACCELERATION REGION 
MUCH LONGER THAN R/c

Hillas
Criterion

<latexit sha1_base64="8hxTYwX5p3G7/iLfsys7dwpScUU=">AAAB/XicdVDJSgNBEO2JW4xL4nLz0hgEvYSJ2czJoAQ8RjELJGHo6fQkTXqmx+4eSRyCv+LFgyJePfgX3vwE/8LOIqjog4LHe1VU1bN9RqUyzXcjMje/sLgUXY6trK6txxMbmzXJA4FJFXPGRcNGkjDqkaqiipGGLwhybUbqdv907NeviZCUe5dq6JO2i7oedShGSktWYrtshS4ajFrI9wUfwCt4Ai+sRNJMmRNATXL5TK6gSTFXzJg5mJ5ZyVL84/gg9lquWIm3VofjwCWewgxJ2UybvmqHSCiKGRnFWoEkPsJ91CVNTT3kEtkOJ9eP4J5WOtDhQpen4ET9PhEiV8qha+tOF6me/O2Nxb+8ZqCco3ZIPT9QxMPTRU7AoOJwHAXsUEGwYkNNEBZU3wpxDwmElQ4spkP4+hT+T2qHqXQ+lT3XaWTBFFGwA3bBPkiDAiiBM1ABVYDBDbgDD+DRuDXujSfjedoaMWYzW+AHjJdPj6yXig==</latexit>

Emax ⇡ qBR
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The Hillas Plot (1984)

Simple things to catch your attention
But do not be fooled: 

 The Hillas Plot only provides the absolute most 
optimistic picture, since it ignores the details of the 
acceleration process 

 Most of the sources are unable to reach this limit 

 Energy losses are not taken into account  

 Notice the absence of GRBs and Starburst galaxies

Nowadays we know that the requirement on the 
acceleration are much weaker (Max Energy 
5x1018 Z eV)
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GENERAL LIMITS ON ACCELERATORS OF UHECR
IN THE NON RELATIVISTIC CASE ONE CAN WRITE A GENERIC EXPRESSION:

THIS IMPLIES THAT:

THE SOURCE ENERGETIC MUST BE AT LEAST AS LARGE AS THE MAGNETIC ONE:

PROBABLY  THE  ONLY  NON  RELATIVISTIC  SOURCES  THAT  MAY  SATISFY  THIS  BOUND  ARE  LARGE  SCALE 
STRUCTURE FORMATION SHOCKS AND ONLY MARGINALLY, ALTHOUGH NOTICE THE ROLE OF Z
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THIS RESULT CAN BE GENERALIZED TO THE CASE OF RELATIVISTIC SOURCES 
WITH LORENTZ FACTOR G (Waxman 2005)

B’  MAGNETIC FIELD IN THE COMOVING FRAME 

E’=E/Γ  PARTICLE ENERGY IN THE COMOVING FRAME

THE CONDITION FOR MAXIMUM ENERGY IS: 

WHICH IMPLIES: 

AND FINALLY THE SOURCE ENERGY INPUT MUST SATISFY: 

THIS IS HUGE AND ONLY THE UPPER END OF THE AGN AND GRB APPEAR TO SATISFY THIS BOUND, ALTHOUGH 
NOTICE THE ROLE OF Z 9



 One would expect the same process as DSA (Kirk & Schneider, 
Ostrowsky, PB&Vietri, …) N(E)~E-2.3  

 We speculated that the energy of the particles would increase by 
Γ2 each time it crosses the shock… 

 But the fact that the shock and the particles are all moving at the 
speed of light complicates things 

 The distribution function of the accelerated particles is 
anisotropic in any frame 

 The spectrum becomes not universal if acceleration occurs at all

ACCELERATION AT RELATIVISTIC SHOCKS

c/3

In the time of  one gyration the 
shock has moved more than one 
larmor radius: particles are stuck

Downstream       Upstream

NEED FOR SMALL SCALE TURBULENCE FOR THE MECHANISM TO WORK 10



The Modern Era
• PIC simulations show that the formation of a 

relativistic shock is mediated by Weibel 
instability 

• This process is heavily dependent upon the 
magnetisation of the upstream medium 
(σ<3x10-5) 

• Particle acceleration is also there only in that 

case and Emax~t1/2 (small scale turbulence)
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Figure 10. Structure of the flow at ωpit = 2250, from a set of 2D simulations of perpendicular electron–ion shocks (mi/me = 25) with varying magnetization
(from σ = 0 at the top to σ = 10−3 at the bottom, as indicated on the left of the figure). The first column shows the 2D plot of the magnetic energy fraction
ϵB = B2/8πγ0nimic

2, the second column the longitudinal phase space x − γiβi,x of ions, and the third column the longitudinal phase space x − γeβe,x of electrons.
(A color version of this figure is available in the online journal.)

of Weibel and oblique modes in electron–positron flows should
be suppressed for

γ0 ! (ξb/ηinj)−1/2 [Weibel] (9)

γ0 ! (ξb/ηinj)−1/3 [oblique]. (10)

In turn, the suppression of the Weibel and oblique instabilities,
which are responsible for the generation of the magnetic tur-
bulence that governs the Fermi process, results in the poorer
acceleration capabilities of mildly relativistic shocks, as com-
pared to their ultrarelativistic counterparts (see the green and
orange curves in Figures 8 and 9, for γ0 = 5 and γ0 = 3,
respectively).

4. ELECTRON–ION SHOCKS

In this section, we investigate the physics of electron–ion
shocks, by employing a reduced mass ratio mi/me = 25 or
mi/me = 100. As we describe in Appendix A, our conclusions
do not change for higher mass ratios, up to the realistic value
mi/me ≃ 1836. In Section 4.1 we show how the structure of
the flow changes for different magnetizations, in the regime 0 !
σ ! 10−3. In Section 4.2, we follow the time evolution of the
post-shock spectrum, and we comment on the effect of the flow
magnetization on the long-term evolution of the acceleration
physics. Finally, in Section 4.3 we explore the dependence of
our results on the bulk Lorentz factor of the pre-shock flow.

4.1. Shock Structure

The physics of electron–ion unmagnetized shocks has been
investigated by Spitkovsky (2008a) and Martins et al. (2009)
in 2D and by Haugbølle (2011) in 3D. They have found that
electron–ion unmagnetized (i.e., σ = 0) shocks are mediated

by the Weibel instability, in the same way as electron–positron
shocks. The instability is seeded by the counterstreaming
between the incoming flow and the ions and electrons reflected
back from the shock into the upstream (see the diffuse hot cloud
of ions and electrons moving ahead of the shock in Figures 10(b)
and (c), respectively). As they approach the shock, the incoming
electrons are heated by the time-varying Weibel fields (Gedalin
et al. 2012; Plotnikov et al. 2013), and they reach equipartition
with the ions before entering the shock. As the electrons get
heated on their way to the shock, the typical transverse scale
of the Weibel filaments increases from the electron skin depth
c/ωpe far ahead of the shock to the proton skin depth c/ωpi just
in front of the shock. In the 2D plot of the magnetic energy in
Figure 10(a), the transverse scale of the Weibel filaments at the
shock amounts to a few ion skin depths.

In Figure 10, we show how the 2D structure of the magnetic
energy (first column) and the longitudinal phase spaces of ions
and electrons (second and third columns, respectively) change
for increasing magnetization, as compared to the unmagnetized
case (top row) most commonly discussed in the literature. We
investigate the range 0 ! σ ! 10−3, from top to bottom in
Figure 10.

Similarly to the case σ = 0, in the regime σ ! 10−4 of
weakly magnetized shocks the flow structure is dominated by
the Weibel modes. In the same way as for electron–positron
magnetized flows in Section 3.2.1, the thickness of the upstream
region that is filled with Weibel filaments is sensitive to the
flow magnetization, being set by the typical Larmor radius of
returning ions, which scales as ∝ σ−1/2 (see Equation (6)). The
two main differences with respect to electron–positron shocks
are in the transverse scale of the Weibel filaments and in their
orientation relative to the shock normal, as we now discuss.

As the magnetization increases in the range 10−5 ! σ !
10−4, the Weibel filaments ahead of the shock appear narrower.
As anticipated above, if the characteristic electron thermal
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Figure 1. Simulation geometry. For our 2D simulations, the computational domain is in the xy plane, with periodic boundary conditions in the y direction. The
incoming flow propagates along −x̂, and the shock moves away from the reflecting wall (located at x = 0) toward +x̂. The magnetic field carried by the upstream
flow (red arrows) is perpendicular to the simulation plane.
(A color version of this figure is available in the online journal.)

(Section 3) and electron–ion (Section 4) flows. We show that
shocks propagating in electron–positron plasmas are efficient
particle accelerators, if the magnetization is σ ! 10−3. A
smaller threshold is found in the case of electron–ion plasmas
(σ ! 3 × 10−5). Here, the acceleration process proceeds
similarly for the two species, since the electrons enter the
shock nearly in equipartition with the ions, as a result of strong
pre-shock heating in the self-generated turbulence.

In all the cases where the Fermi process is efficient, we follow
the temporal evolution of the upper cutoff of the non-thermal tail
of accelerated particles, finding that the maximum energy scales
as εmax ∝ t1/2, for both electron–positron and electron–ion
flows. This is in contrast with the ad hoc prescription given
by the so-called Bohm scaling (namely, εmax ∝ t), which is
often employed in the literature, for lack of a better choice. In
magnetized plasmas, we find that the energy of the accelerated
particles increases up to εsat/γ0mic

2 ∼ σ−1/4, where γ0mic
2 is

the mean energy per particle in the upstream bulk flow. Further
energization is prevented by the fact that the self-generated
turbulence is confined within a finite region of thickness ∝ σ−1/2

around the shock.
With our PIC simulations, we are then able to provide a

physically grounded scaling for the acceleration rate in weakly
magnetized relativistic perpendicular shocks. Our results can
be easily incorporated in models of non-thermal emission from
astrophysical sources, as we illustrate in Section 5. We finally
summarize our findings in Section 6.

2. SIMULATION SETUP

We use the three-dimensional (3D) electromagnetic PIC code
TRISTAN-MP (Spitkovsky 2005), which is a parallel version of
the public code TRISTAN (Buneman 1993) that was optimized
for studying relativistic collisionless shocks. Our simulation
setup parallels SS09 and SS11 very closely, which we repeat
here for completeness.

The shock is set up by reflecting a cold “upstream” flow from
a conducting wall located at x = 0 (Figure 1). The interaction
between the incoming beam (that propagates along −x̂) and the
reflected beam triggers the formation of a shock, which moves
away from the wall along +x̂. This setup is equivalent to the
head-on collision of two identical plasma shells, which would
form a forward and reverse shock and a contact discontinuity.
Here, we follow only one of these shocks, and replace the
contact discontinuity with the conducting wall. The simulation is
performed in the “wall” frame, where the “downstream” plasma
behind the shock is at rest.

We perform simulations in both 2D and 3D computational
domains, and we find that most of the shock physics is well

captured by 2D simulations. Therefore, to follow the shock
evolution for longer times with fixed computational resources,
we mainly utilize 2D runs, but we explicitly show that our 2D
results are in excellent agreement with large 3D simulations.
For both 2D and 3D domains, all three components of particle
velocities and electromagnetic fields are tracked. In our 2D
simulations, we use a rectangular simulation box in the xy plane,
with periodic boundary conditions in the y direction (Figure 1).
In 3D, we employ periodic boundary conditions both in y and in
z. Each computational cell is initialized with four particles (two
per species) in 2D and with two particles (one per species) in 3D.
We have performed limited experiments with a larger number
of particles per cell (up to eight per species in 2D), obtaining
essentially the same results.

We investigate the physics of both electron–positron and
electron–ion shocks. In both cases, the relativistic skin depth
for the incoming electrons (c/ωpe) is resolved with eight
computational cells, and the simulation time step is ∆t =
0.056 ω−1

pe . Here, ωpe ≡ (4πe2ne/γ0me)1/2 is the relativistic
plasma frequency for the upstream electrons, with number
density ne (measured in the wall frame) and bulk Lorentz factor
γ0. For electron–positron flows, the plasma frequency of the
upstream positrons is ωpi = ωpe. In the case of electron–ion
shocks, we typically employ a reduced mass ratio mi/me = 25,
which allows us to follow the shock evolution for sufficiently
long times (in units of the inverse ion plasma frequency
ω−1

pi =
√

mi/me ω−1
pe ), while still clearly separating the ion

and electron dynamical scales.6 As we show in Appendix A,
we obtain essentially the same results when using higher mass
ratios (we have tried up to mi/me = 1600, approaching the
realistic value mi/me ≃ 1836), which suggests that a mass
ratio mi/me = 25 is already “large” enough to capture the
acceleration physics in our electron–ion shocks.

For electron–positron shocks, our computational domain in
2D is typically ∼128 c/ωpi wide (corresponding to 1024 cells),
and in 3D the transverse size of the box amounts to ∼64 c/ωpi,
or 512 cells. We have tried with 2D boxes up to three times
as wide, finding essentially the same results. In electron–ion
shocks, we choose a box with a width of 1024 cells in 2D and
512 cells in 3D, which correspond respectively to ∼26 c/ωpi and
∼13 c/ωpi, for our reference mass ratio mi/me = 25. When
scaling to higher mass ratios, we choose a 2D computational
domain with 1024 transverse cells for mi/me = 100, with 2048

6 We remark that in the following we use the same symbol ωpi to indicate the
relativistic plasma frequency of positrons (in electron–positron flows) and of
ions (in electron–ion shocks). Similarly, we indicate with mi the mass of the
positively charged particles (positrons or ions, depending on the flow
composition).
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ABSTRACT

The afterglow emission from gamma-ray bursts (GRBs) is usually interpreted as synchrotron radiation from electrons
accelerated at the GRB external shock that propagates with relativistic velocities into the magnetized interstellar
medium. By means of multi-dimensional particle-in-cell simulations, we investigate the acceleration performance
of weakly magnetized relativistic shocks, in the magnetization range 0 ! σ ! 10−1. The pre-shock magnetic
field is orthogonal to the flow, as generically expected for relativistic shocks. We find that relativistic perpendicular
shocks propagating in electron–positron plasmas are efficient particle accelerators if the magnetization is σ ! 10−3.
For electron–ion plasmas, the transition to efficient acceleration occurs for σ ! 3 × 10−5. Here, the acceleration
process proceeds similarly for the two species, since the electrons enter the shock nearly in equipartition with the
ions, as a result of strong pre-heating in the self-generated upstream turbulence. In both electron–positron and
electron–ion shocks, we find that the maximum energy of the accelerated particles scales in time as εmax ∝ t1/2.
This scaling is shallower than the so-called (and commonly assumed) Bohm limit εmax ∝ t , and it naturally results
from the small-scale nature of the Weibel turbulence generated in the shock layer. In magnetized plasmas, the
energy of the accelerated particles increases until it reaches a saturation value εsat/γ0mic

2 ∼ σ−1/4, where γ0mic
2

is the mean energy per particle in the upstream bulk flow. Further energization is prevented by the fact that the
self-generated turbulence is confined within a finite region of thickness ∝ σ−1/2 around the shock. Our results can
provide physically grounded inputs for models of non-thermal emission from a variety of astrophysical sources,
with particular relevance to GRB afterglows.

Key words: acceleration of particles – cosmic rays – gamma-ray burst: general – pulsars: general – radiation
mechanisms: non-thermal – shock waves

Online-only material: color figures

1. INTRODUCTION

The external shocks of gamma-ray bursts (GRBs) are often
invoked as efficient sites of acceleration for protons and elec-
trons (e.g., Waxman 2006). Shock acceleration of protons might
explain the flux of ultrahigh energy cosmic rays (UHECRs)
observed with energies in excess of 1020 eV by the Pierre Auger
Observatory (Abraham et al. 2010). Synchrotron emission from
the shock-accelerated electrons powers the GRB afterglow emis-
sion, which is usually detected in the X-ray, optical, and some-
times radio bands, and recently up to sub-GeV energies by the
Fermi telescope (e.g., Ackermann et al. 2010; De Pasquale et al.
2010; Ghisellini et al. 2010).

The external shocks in GRB afterglows are believed to
be relativistic shocks propagating in weakly magnetized
electron–proton plasmas, either the interstellar medium (ISM)
or the wind of the progenitor star. If the ISM number density is
n ≡ n0 cm−3 and the magnetic field is BISM ≡ 3 BISM,−5.5 µG,
the ISM magnetization will be

σ =
B2

ISM

4πnmic2
≃ 0.5 × 10−9B2

ISM,−5.5n
−1
0 , (1)

where mi is the proton mass and c is the speed of light. For
relativistic shocks, the mean field in the post-shock frame will
be mostly transverse to the flow, due to shock compression and
to the effect of the Lorentz transformations. For perpendicular
shocks (i.e., with the field orthogonal to the flow), the magne-
tization in Equation (1) is a Lorentz invariant, and independent

4 NASA Einstein Post-Doctoral Fellow.

of the shock radius (provided that n and BISM are constant in
radius).5

The acceleration process at the external shocks of GRBs is
thought to be governed by the Fermi mechanism, where parti-
cles stochastically diffuse back and forth across the shock front
and gain energy by scattering from magnetic turbulence embed-
ded in the converging flows (e.g., Blandford & Ostriker 1978;
Bell 1978; Drury 1983; Blandford & Eichler 1987). The highly
nonlinear physics of the Fermi process—where the magnetic
turbulence that mediates the particle acceleration is gener-
ated by the particles themselves—can only be addressed self-
consistently by means of first principle particle-in-cell (PIC)
simulations. By using PIC simulations, Sironi & Spitkovsky
(2009a) (hereafter SS09; in electron–positron flows) and Sironi
& Spitkovsky (2011b) (hereafter SS11; in electron–ion flows)
have demonstrated that particle acceleration is suppressed in
σ ∼ 0.1 perpendicular shocks. Here, the self-generated turbu-
lence is not strong enough to permit efficient injection into the
Fermi process. On the other hand, in the extreme case of unmag-
netized shocks (i.e., σ = 0), PIC simulations have shown that a
non-thermal tail of shock-accelerated particles is generated, as
a self-consistent by-product of the shock evolution (Spitkovsky
2008a, 2008b; Martins et al. 2009; Haugbølle 2011).

In this work, we investigate the physics of weakly magnetized
perpendicular shocks for magnetizations in the range 0 !
σ ! 10−1. We explore how the acceleration efficiency, namely,
the fraction of particles and energy stored in the non-thermal
tail, depends on the flow magnetization, in electron–positron

5 The independence of σ from the shock radius also holds for a wind profile
of the external density, under the assumption that the field is primarily toroidal.

1

Lorentz invariant 
magnetisation

Sironi, Spitkovsky & Arons 2013
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Application to GRBs 

For a typical GRB exploding in the wind of the pre-burst progenitor star, the magnetisation is: 

small enough that acceleration does take place (σ<3x10-5).  

The Lorentz factor of the shock follows the Blandford & McKee (1976) behaviour: 

The analog of the Sedov phase (deceleration phase) starts at:  

Hence the maximum Lorentz factor (in the lab frame) is:  
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5.1. GRB Afterglows

The afterglow emission in GRBs is usually attributed to
synchrotron radiation from electrons accelerated at the forward
shock (the so-called jitter paradigm does not seem too relevant in
GRB afterglows, as shown by Sironi & Spitkovsky 2009b). The
shock propagates either in the ISM, with constant density, or in
the stellar wind of the GRB progenitor, with density scaling in
radius as n ∝ R−2. As discussed in Section 1, the magnetization
of the ISM is σ ∼ 10−9, and it is independent of the shock radius
R. The same holds for a stellar wind, if the magnetic field in
the wind is primarily toroidal, thus decreasing as ∝ R−1. We
assume that, as appropriate for a Wolf–Rayet progenitor (Eichler
& Usov 1993; Sagi & Nakar 2012), the number density in the
wind at R = 1018 cm is n ≡ 0.3 n−0.5 cm−3, and the strength
of the magnetic field at R = 1018 cm is BW ≡ 10−5BW,−5 G,
so that the magnetization parameter in the wind will be

σ = B2
W

4πnmic2
≃ 1.7 × 10−8B2

W,−5n
−1
−0.5. (17)

We treat separately the case of a blast wave propagating into the
ISM (Section 5.1.1) and into a stellar wind (Section 5.1.2).

In the following, we study the process of particle acceleration
in GRB afterglows by assuming that the shock properties
are only determined by the instantaneous magnetization and
Lorentz factor of the flow. In other words, we neglect the
feedback of particles and magnetic turbulence produced at early
times on the shock structure and the acceleration process at later
times.

Also, we only focus on the particles reaching the highest
energies, with the goal of assessing whether GRB afterglow
shocks are promising candidates for the acceleration of the
UHECR protons observed by the Pierre Auger Observatory
(Abraham et al. 2010), and whether synchrotron radiation from
the shock-accelerated electrons can explain the early sub-GeV
emission of Fermi-LAT GRBs (e.g., Ackermann et al. 2010;
De Pasquale et al. 2010; Ghisellini et al. 2010). Our strategy
parallels closely the study by Sagi & Nakar (2012), with one
important difference. They were inferring the rate of electron
acceleration in GRB external shocks from the detection of high-
energy photons at early times, whereas our PIC simulations can
provide from first principles an estimate for the acceleration
rate. Our goal is then to verify whether synchrotron emission
from the accelerated electrons can explain the highest energy
photons detected by Fermi-LAT.

Since we only focus on the highest energy electrons, we
do not attempt to provide a complete description of the full
spectral and temporal evolution of GRB afterglows. For this, we
would need a self-consistent estimate for the overall extent of
the region populated with Weibel turbulence. A strict lower limit
is provided by the thickness LB,sat of the upstream layer filled
with Weibel filaments (see Equation (6)), but the decay length
of the Weibel-generated fields in the downstream region is still
a matter of debate (Chang et al. 2008; Keshet et al. 2009). A
physically grounded estimate for the overall extent of the region
with Weibel turbulence could be used to predict the temporal
and spectral evolution of GRB afterglows, following Rossi &
Rees (2003) and Lemoine (2013).

5.1.1. ISM

Under the assumption of adiabatic expansion in a constant
density medium, the bulk Lorentz factor of the shock during the

relativistic deceleration phase will be described by the Blandford
& McKee (1976) solution

Γ(R) =
(

17E0

16πnmic2

)1/2

R−3/2, (18)

at distances larger than the deceleration radius Rdec ≡
(17E0/16πΓ2

0nmic
2)1/3. Here, E0 is the isotropic-equivalent ex-

plosion energy, Γ0 is the initial Lorentz factor of the blast wave,
and n is the ISM number density (measured in the rest frame
of the ISM). By defining E0 ≡ 1054E0,54 erg, Γ0 ≡ 102.5Γ0,2.5,
and n ≡ n0 cm−3, the deceleration radius amounts to

Rdec ≃ 1.3 × 1017E
1/3
0,54Γ−2/3

0,2.5 n
−1/3
0 cm. (19)

The shock becomes non-relativistic at Rnr = (17E0/

16πnmic
2)1/3 ≃ 6.1 × 1018E

1/3
0,54n

−1/3
0 cm, at which point our

results will no longer be applicable.
We now evaluate the acceleration performance of GRB

external shocks, first for protons and then for electrons. We
use the fact that the Lorentz factor γ0 we have employed in
the previous sections coincides with the instantaneous Lorentz
factor of the GRB blast wave, i.e., γ0 = Γ at all radii.
The maximum Lorentz factor of the shock-accelerated protons
is constrained by the magnetization of the pre-shock flow,
as illustrated in Equation (16). When transforming into the
upstream frame (coincident with the ISM frame), the result in
Equation (16) needs to be multiplied by an additional factor of
Γ, giving

γ
up
sat,i ≃ 8.0 × 107 E0,54 n−1

0 σ
−1/4
−9 R−3

17 , (20)

where σ ≡ 10−9σ−9 and R ≡ 1017R17 cm. This strict upper
limit could be circumvented if the coherence scale λcoh of the
ISM magnetic field in the longitudinal direction (i.e., along the
shock normal) is small enough such that the acceleration of
protons up to γ

up
sat,i takes longer than the passage of the shock

through a region of length λcoh. From the acceleration timescale
in Equation (14), this argument gives an upper limit on the
required longitudinal coherence length of the ISM field (in the
ISM frame)

λcoh ! 2.2 × 1016E
1/2
0,54n

−1
0 σ

−1/2
−9 R

−3/2
17 cm, (21)

where in Equation (14) we have used the fact that the proton
plasma frequency in the ISM is

ωpi ≃ 1.3 × 103 n
1/2
0 Hz. (22)

The coherence scale of the ISM magnetic field is believed to be
a few parsecs, so the constraint in Equation (21) is not likely
to be satisfied, and proton acceleration to Lorentz factors larger
than γ

up
sat,i will not occur in the ISM.

A separate constraint comes from the requirement that the
proton acceleration timescale in Equation (14) should be shorter
than the age of the blast wave ∼R/Γc as measured in the
post-shock frame. This constrains the maximum proton Lorentz
factor to be, in the ISM frame,
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By comparing Equations (20) and (23), we see that the maximum
proton Lorentz factor γ
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age,i] is always
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5.1. GRB Afterglows

The afterglow emission in GRBs is usually attributed to
synchrotron radiation from electrons accelerated at the forward
shock (the so-called jitter paradigm does not seem too relevant in
GRB afterglows, as shown by Sironi & Spitkovsky 2009b). The
shock propagates either in the ISM, with constant density, or in
the stellar wind of the GRB progenitor, with density scaling in
radius as n ∝ R−2. As discussed in Section 1, the magnetization
of the ISM is σ ∼ 10−9, and it is independent of the shock radius
R. The same holds for a stellar wind, if the magnetic field in
the wind is primarily toroidal, thus decreasing as ∝ R−1. We
assume that, as appropriate for a Wolf–Rayet progenitor (Eichler
& Usov 1993; Sagi & Nakar 2012), the number density in the
wind at R = 1018 cm is n ≡ 0.3 n−0.5 cm−3, and the strength
of the magnetic field at R = 1018 cm is BW ≡ 10−5BW,−5 G,
so that the magnetization parameter in the wind will be

σ = B2
W

4πnmic2
≃ 1.7 × 10−8B2

W,−5n
−1
−0.5. (17)

We treat separately the case of a blast wave propagating into the
ISM (Section 5.1.1) and into a stellar wind (Section 5.1.2).

In the following, we study the process of particle acceleration
in GRB afterglows by assuming that the shock properties
are only determined by the instantaneous magnetization and
Lorentz factor of the flow. In other words, we neglect the
feedback of particles and magnetic turbulence produced at early
times on the shock structure and the acceleration process at later
times.

Also, we only focus on the particles reaching the highest
energies, with the goal of assessing whether GRB afterglow
shocks are promising candidates for the acceleration of the
UHECR protons observed by the Pierre Auger Observatory
(Abraham et al. 2010), and whether synchrotron radiation from
the shock-accelerated electrons can explain the early sub-GeV
emission of Fermi-LAT GRBs (e.g., Ackermann et al. 2010;
De Pasquale et al. 2010; Ghisellini et al. 2010). Our strategy
parallels closely the study by Sagi & Nakar (2012), with one
important difference. They were inferring the rate of electron
acceleration in GRB external shocks from the detection of high-
energy photons at early times, whereas our PIC simulations can
provide from first principles an estimate for the acceleration
rate. Our goal is then to verify whether synchrotron emission
from the accelerated electrons can explain the highest energy
photons detected by Fermi-LAT.

Since we only focus on the highest energy electrons, we
do not attempt to provide a complete description of the full
spectral and temporal evolution of GRB afterglows. For this, we
would need a self-consistent estimate for the overall extent of
the region populated with Weibel turbulence. A strict lower limit
is provided by the thickness LB,sat of the upstream layer filled
with Weibel filaments (see Equation (6)), but the decay length
of the Weibel-generated fields in the downstream region is still
a matter of debate (Chang et al. 2008; Keshet et al. 2009). A
physically grounded estimate for the overall extent of the region
with Weibel turbulence could be used to predict the temporal
and spectral evolution of GRB afterglows, following Rossi &
Rees (2003) and Lemoine (2013).

5.1.1. ISM

Under the assumption of adiabatic expansion in a constant
density medium, the bulk Lorentz factor of the shock during the

relativistic deceleration phase will be described by the Blandford
& McKee (1976) solution

Γ(R) =
(

17E0

16πnmic2

)1/2

R−3/2, (18)

at distances larger than the deceleration radius Rdec ≡
(17E0/16πΓ2

0nmic
2)1/3. Here, E0 is the isotropic-equivalent ex-

plosion energy, Γ0 is the initial Lorentz factor of the blast wave,
and n is the ISM number density (measured in the rest frame
of the ISM). By defining E0 ≡ 1054E0,54 erg, Γ0 ≡ 102.5Γ0,2.5,
and n ≡ n0 cm−3, the deceleration radius amounts to

Rdec ≃ 1.3 × 1017E
1/3
0,54Γ−2/3

0,2.5 n
−1/3
0 cm. (19)

The shock becomes non-relativistic at Rnr = (17E0/

16πnmic
2)1/3 ≃ 6.1 × 1018E

1/3
0,54n

−1/3
0 cm, at which point our

results will no longer be applicable.
We now evaluate the acceleration performance of GRB

external shocks, first for protons and then for electrons. We
use the fact that the Lorentz factor γ0 we have employed in
the previous sections coincides with the instantaneous Lorentz
factor of the GRB blast wave, i.e., γ0 = Γ at all radii.
The maximum Lorentz factor of the shock-accelerated protons
is constrained by the magnetization of the pre-shock flow,
as illustrated in Equation (16). When transforming into the
upstream frame (coincident with the ISM frame), the result in
Equation (16) needs to be multiplied by an additional factor of
Γ, giving

γ
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0 σ
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17 , (20)

where σ ≡ 10−9σ−9 and R ≡ 1017R17 cm. This strict upper
limit could be circumvented if the coherence scale λcoh of the
ISM magnetic field in the longitudinal direction (i.e., along the
shock normal) is small enough such that the acceleration of
protons up to γ

up
sat,i takes longer than the passage of the shock

through a region of length λcoh. From the acceleration timescale
in Equation (14), this argument gives an upper limit on the
required longitudinal coherence length of the ISM field (in the
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where in Equation (14) we have used the fact that the proton
plasma frequency in the ISM is

ωpi ≃ 1.3 × 103 n
1/2
0 Hz. (22)

The coherence scale of the ISM magnetic field is believed to be
a few parsecs, so the constraint in Equation (21) is not likely
to be satisfied, and proton acceleration to Lorentz factors larger
than γ

up
sat,i will not occur in the ISM.

A separate constraint comes from the requirement that the
proton acceleration timescale in Equation (14) should be shorter
than the age of the blast wave ∼R/Γc as measured in the
post-shock frame. This constrains the maximum proton Lorentz
factor to be, in the ISM frame,
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age,i ≃ 1.7 × 108E
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By comparing Equations (20) and (23), we see that the maximum
proton Lorentz factor γ
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age,i] is always
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The afterglow emission in GRBs is usually attributed to
synchrotron radiation from electrons accelerated at the forward
shock (the so-called jitter paradigm does not seem too relevant in
GRB afterglows, as shown by Sironi & Spitkovsky 2009b). The
shock propagates either in the ISM, with constant density, or in
the stellar wind of the GRB progenitor, with density scaling in
radius as n ∝ R−2. As discussed in Section 1, the magnetization
of the ISM is σ ∼ 10−9, and it is independent of the shock radius
R. The same holds for a stellar wind, if the magnetic field in
the wind is primarily toroidal, thus decreasing as ∝ R−1. We
assume that, as appropriate for a Wolf–Rayet progenitor (Eichler
& Usov 1993; Sagi & Nakar 2012), the number density in the
wind at R = 1018 cm is n ≡ 0.3 n−0.5 cm−3, and the strength
of the magnetic field at R = 1018 cm is BW ≡ 10−5BW,−5 G,
so that the magnetization parameter in the wind will be
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We treat separately the case of a blast wave propagating into the
ISM (Section 5.1.1) and into a stellar wind (Section 5.1.2).

In the following, we study the process of particle acceleration
in GRB afterglows by assuming that the shock properties
are only determined by the instantaneous magnetization and
Lorentz factor of the flow. In other words, we neglect the
feedback of particles and magnetic turbulence produced at early
times on the shock structure and the acceleration process at later
times.

Also, we only focus on the particles reaching the highest
energies, with the goal of assessing whether GRB afterglow
shocks are promising candidates for the acceleration of the
UHECR protons observed by the Pierre Auger Observatory
(Abraham et al. 2010), and whether synchrotron radiation from
the shock-accelerated electrons can explain the early sub-GeV
emission of Fermi-LAT GRBs (e.g., Ackermann et al. 2010;
De Pasquale et al. 2010; Ghisellini et al. 2010). Our strategy
parallels closely the study by Sagi & Nakar (2012), with one
important difference. They were inferring the rate of electron
acceleration in GRB external shocks from the detection of high-
energy photons at early times, whereas our PIC simulations can
provide from first principles an estimate for the acceleration
rate. Our goal is then to verify whether synchrotron emission
from the accelerated electrons can explain the highest energy
photons detected by Fermi-LAT.

Since we only focus on the highest energy electrons, we
do not attempt to provide a complete description of the full
spectral and temporal evolution of GRB afterglows. For this, we
would need a self-consistent estimate for the overall extent of
the region populated with Weibel turbulence. A strict lower limit
is provided by the thickness LB,sat of the upstream layer filled
with Weibel filaments (see Equation (6)), but the decay length
of the Weibel-generated fields in the downstream region is still
a matter of debate (Chang et al. 2008; Keshet et al. 2009). A
physically grounded estimate for the overall extent of the region
with Weibel turbulence could be used to predict the temporal
and spectral evolution of GRB afterglows, following Rossi &
Rees (2003) and Lemoine (2013).

5.1.1. ISM

Under the assumption of adiabatic expansion in a constant
density medium, the bulk Lorentz factor of the shock during the

relativistic deceleration phase will be described by the Blandford
& McKee (1976) solution
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at distances larger than the deceleration radius Rdec ≡
(17E0/16πΓ2
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2)1/3. Here, E0 is the isotropic-equivalent ex-

plosion energy, Γ0 is the initial Lorentz factor of the blast wave,
and n is the ISM number density (measured in the rest frame
of the ISM). By defining E0 ≡ 1054E0,54 erg, Γ0 ≡ 102.5Γ0,2.5,
and n ≡ n0 cm−3, the deceleration radius amounts to

Rdec ≃ 1.3 × 1017E
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results will no longer be applicable.
We now evaluate the acceleration performance of GRB

external shocks, first for protons and then for electrons. We
use the fact that the Lorentz factor γ0 we have employed in
the previous sections coincides with the instantaneous Lorentz
factor of the GRB blast wave, i.e., γ0 = Γ at all radii.
The maximum Lorentz factor of the shock-accelerated protons
is constrained by the magnetization of the pre-shock flow,
as illustrated in Equation (16). When transforming into the
upstream frame (coincident with the ISM frame), the result in
Equation (16) needs to be multiplied by an additional factor of
Γ, giving

γ
up
sat,i ≃ 8.0 × 107 E0,54 n−1
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where σ ≡ 10−9σ−9 and R ≡ 1017R17 cm. This strict upper
limit could be circumvented if the coherence scale λcoh of the
ISM magnetic field in the longitudinal direction (i.e., along the
shock normal) is small enough such that the acceleration of
protons up to γ

up
sat,i takes longer than the passage of the shock

through a region of length λcoh. From the acceleration timescale
in Equation (14), this argument gives an upper limit on the
required longitudinal coherence length of the ISM field (in the
ISM frame)

λcoh ! 2.2 × 1016E
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where in Equation (14) we have used the fact that the proton
plasma frequency in the ISM is

ωpi ≃ 1.3 × 103 n
1/2
0 Hz. (22)

The coherence scale of the ISM magnetic field is believed to be
a few parsecs, so the constraint in Equation (21) is not likely
to be satisfied, and proton acceleration to Lorentz factors larger
than γ

up
sat,i will not occur in the ISM.

A separate constraint comes from the requirement that the
proton acceleration timescale in Equation (14) should be shorter
than the age of the blast wave ∼R/Γc as measured in the
post-shock frame. This constrains the maximum proton Lorentz
factor to be, in the ISM frame,
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age,i ≃ 1.7 × 108E
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By comparing Equations (20) and (23), we see that the maximum
proton Lorentz factor γ
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age,i] is always
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The afterglow emission in GRBs is usually attributed to
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shock (the so-called jitter paradigm does not seem too relevant in
GRB afterglows, as shown by Sironi & Spitkovsky 2009b). The
shock propagates either in the ISM, with constant density, or in
the stellar wind of the GRB progenitor, with density scaling in
radius as n ∝ R−2. As discussed in Section 1, the magnetization
of the ISM is σ ∼ 10−9, and it is independent of the shock radius
R. The same holds for a stellar wind, if the magnetic field in
the wind is primarily toroidal, thus decreasing as ∝ R−1. We
assume that, as appropriate for a Wolf–Rayet progenitor (Eichler
& Usov 1993; Sagi & Nakar 2012), the number density in the
wind at R = 1018 cm is n ≡ 0.3 n−0.5 cm−3, and the strength
of the magnetic field at R = 1018 cm is BW ≡ 10−5BW,−5 G,
so that the magnetization parameter in the wind will be
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We treat separately the case of a blast wave propagating into the
ISM (Section 5.1.1) and into a stellar wind (Section 5.1.2).

In the following, we study the process of particle acceleration
in GRB afterglows by assuming that the shock properties
are only determined by the instantaneous magnetization and
Lorentz factor of the flow. In other words, we neglect the
feedback of particles and magnetic turbulence produced at early
times on the shock structure and the acceleration process at later
times.

Also, we only focus on the particles reaching the highest
energies, with the goal of assessing whether GRB afterglow
shocks are promising candidates for the acceleration of the
UHECR protons observed by the Pierre Auger Observatory
(Abraham et al. 2010), and whether synchrotron radiation from
the shock-accelerated electrons can explain the early sub-GeV
emission of Fermi-LAT GRBs (e.g., Ackermann et al. 2010;
De Pasquale et al. 2010; Ghisellini et al. 2010). Our strategy
parallels closely the study by Sagi & Nakar (2012), with one
important difference. They were inferring the rate of electron
acceleration in GRB external shocks from the detection of high-
energy photons at early times, whereas our PIC simulations can
provide from first principles an estimate for the acceleration
rate. Our goal is then to verify whether synchrotron emission
from the accelerated electrons can explain the highest energy
photons detected by Fermi-LAT.

Since we only focus on the highest energy electrons, we
do not attempt to provide a complete description of the full
spectral and temporal evolution of GRB afterglows. For this, we
would need a self-consistent estimate for the overall extent of
the region populated with Weibel turbulence. A strict lower limit
is provided by the thickness LB,sat of the upstream layer filled
with Weibel filaments (see Equation (6)), but the decay length
of the Weibel-generated fields in the downstream region is still
a matter of debate (Chang et al. 2008; Keshet et al. 2009). A
physically grounded estimate for the overall extent of the region
with Weibel turbulence could be used to predict the temporal
and spectral evolution of GRB afterglows, following Rossi &
Rees (2003) and Lemoine (2013).
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Under the assumption of adiabatic expansion in a constant
density medium, the bulk Lorentz factor of the shock during the

relativistic deceleration phase will be described by the Blandford
& McKee (1976) solution
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2)1/3. Here, E0 is the isotropic-equivalent ex-

plosion energy, Γ0 is the initial Lorentz factor of the blast wave,
and n is the ISM number density (measured in the rest frame
of the ISM). By defining E0 ≡ 1054E0,54 erg, Γ0 ≡ 102.5Γ0,2.5,
and n ≡ n0 cm−3, the deceleration radius amounts to
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external shocks, first for protons and then for electrons. We
use the fact that the Lorentz factor γ0 we have employed in
the previous sections coincides with the instantaneous Lorentz
factor of the GRB blast wave, i.e., γ0 = Γ at all radii.
The maximum Lorentz factor of the shock-accelerated protons
is constrained by the magnetization of the pre-shock flow,
as illustrated in Equation (16). When transforming into the
upstream frame (coincident with the ISM frame), the result in
Equation (16) needs to be multiplied by an additional factor of
Γ, giving

γ
up
sat,i ≃ 8.0 × 107 E0,54 n−1
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where σ ≡ 10−9σ−9 and R ≡ 1017R17 cm. This strict upper
limit could be circumvented if the coherence scale λcoh of the
ISM magnetic field in the longitudinal direction (i.e., along the
shock normal) is small enough such that the acceleration of
protons up to γ

up
sat,i takes longer than the passage of the shock

through a region of length λcoh. From the acceleration timescale
in Equation (14), this argument gives an upper limit on the
required longitudinal coherence length of the ISM field (in the
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where in Equation (14) we have used the fact that the proton
plasma frequency in the ISM is

ωpi ≃ 1.3 × 103 n
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The coherence scale of the ISM magnetic field is believed to be
a few parsecs, so the constraint in Equation (21) is not likely
to be satisfied, and proton acceleration to Lorentz factors larger
than γ

up
sat,i will not occur in the ISM.

A separate constraint comes from the requirement that the
proton acceleration timescale in Equation (14) should be shorter
than the age of the blast wave ∼R/Γc as measured in the
post-shock frame. This constrains the maximum proton Lorentz
factor to be, in the ISM frame,
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By comparing Equations (20) and (23), we see that the maximum
proton Lorentz factor γ

up
max,i ≡ min[γ up

sat,i , γ
up
age,i] is always

14

12



STOCHASTIC ACCELERATION IN A RELATIVISTIC PLASMA

 Large scale turbulence advected downstream of the FS leads 
to stochastic acceleration in a B-field:  

 Spatial diffusion and p-diffusion are connected: DzzDpp~p2 vA2 

 In the ultra-relativistic case vA=c/31/2  

The time scale for escape and acceleration are related 
through  

 The spectrum can be shown to be harder than E-2 and 
depends on the spectrum of the turbulence

4

FIG. 1. UHECR protons spectra resulting from joint stochastic acceleration, particle diffusive escape, and adiabatic energy loss and their
corresponding comoving timescales as a function of observed proton energy. Upper panels: The dark blue lines represent proton injection at
0.1000 s in observer’s frame. The colored solid lines from dark blue to dark red represent the evolution of proton spectrum under the case
of ⇠ = 0.1, respectively. The corresponding colored short-dashed lines depict the evolution without considering the particle spatial diffusive
escape effect. The green dash-dotted lines in the upper panels delineate the cases ignoring the adiabatic energy loss at the final moment of the
evolution. Lower panels: Comoving timescales against observed proton energy under the case of ⇠ = 0.1. The evolution of the energy spectra
of protons for 100000 s in the comoving frame of relativistic outflowing plasma with nISM = 0.01 cm�3 (case I) and nISM = 1 cm�3 (case II).
The acceleration, adiabatic expansion cooling and diffusive escape timescales are separately denoted by dashed, dash-dotted and solid lines.
The gray lines show the evolution without including adiabatic cooling process. Proton spectra evolve during: (a) tobs 2 [0.1000s, 431.89 s]
and (b) tobs 2 [0.1000s, 1319.5 s] in the observer’s frame, respectively. We only show the final moment of different timescales in the lower
panels. More moments of the evolution of proton spectra are shown in Appendix. A.

The energy gain of particles serves as a damping process
for the turbulence. We here only consider the damping of the
turbulence due to the gyro-resonance of protons. Therefore,
the energy dissipation rate of the turbulence should be equal
to the energy gain rate of the protons [67], i.e.,ˆ

dk �w(k)W(k) = �
ˆ

dE E
@Fp(E)
@E

. (13)

From Eq. (7), integrating by parts twice, we obtain

�w(k) = �4⇡e2�2
wc

k


n
�
Eres(k)

�
+

ˆ Emax

Eres(k)

2n(E)
E

dE
�
, (14)

where n(E) ⌘ N(E)/V represents the number density and the

volume of the acceleration zone in the jet’s comoving frame is
estimated by V = 4⇡R2 ·R/�. The turbulence at the wavenum-
ber k is damped by protons with energy E > Eres(k) where
Eres = eB/k. The turbulent magnetic fields in the relativistic
jet indicate �B . B.

III. RESULTS AND DISCUSSIONS OF TURBULENT
STOCHASTIC ACCELERATION

We adopt the Runge-Kutta method to solve the dynamical
evolution of the GRB jet, and the central difference method
to solve the time-dependent FP equations, see details in the

Zhang+, 2021

n=0.01 cm-3 n=1 cm-3
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The case of the hidden cocoons (Berezinsky 1977)

range (Ackermann et al. 2012; Abdollahi et al. 2020). On the
other hand, MAGIC placed upper limits, -g

- -
gE F 10 10E

10 9
GeV cm−2 s−1 at sub-TeV energies (Acciari et al. 2019). The all-
flavor neutrino flux reported by IceCube is ~n

-
nE F 10E

7

GeV cm−2 s−1 around 1 TeV (Aartsen et al. 2020; Abbasi et al.
2022), which is significantly higher than the Fermi gamma-ray
flux and upper limits in the TeV range. In this sense, NGC 1068
has to be a hidden neutrino source. Indeed, in the simple starburst
galaxy model, hadronic emission that is calibrated by the Fermi
data is difficult to explain the IceCube flux (see Figure 4 of
Murase et al. 2020).

What are the implications of this opaqueness? The emission
radius is one of the important quantities in modeling of high-
energy source emission. In this section, we show that the
neutrino emission radius can now be constrained thanks to the
new IceCube data (Abbasi et al. 2022) as well as the existing
multiwavelength observations in infrared, optical, X-ray, and
gamma-ray bands.

2.1. Attenuation Argument

High-energy gamma rays from AGNs interact with photons
from the accretion disk and hot corona, line emission from
broad-line regions (BLRs), and infrared emission from the
dusty torus (see Figure 1). The SMBH mass of NGC 1068 is
estimated to be M∼ (1–2)× 107Me (Woo & Urry 2002;
Panessa et al. 2006) and the Schwarzschild radius is given by
RS≡ 2GM/c2; 5.9× 1012 cmM7.3, where M= 107.3M7.3Me.
Within ∼104 RS corresponding to the typical BLR radius at

»R L10 cmBLR
17

disk,45
1 2 , where Ldisk is the accretion disk

luminosity, the most important radiation fields are disk and
corona components. For the two-photon annihilation process,
γγ→ e+e−, the typical energy of a photon interacting with a
gamma ray is e e e=gg g g g-

-m c 0.26 keV 1 GeVe
2 4 1˜ ( ).

In Figure 2, we present numerical results of the optical depth to
γγ→ e+e−, τγγ(εγ), for different values of the emission radius

ºR RS , where is the dimensionless emission radius. For the
disk component, we assume a multitemperature blackbody
spectrum expected for a standard disk with a bolometric
luminosity of Lbol= 1045 erg s−1 (e.g., Woo & Urry 2002; Zaino
et al. 2020) and the maximum energy, εdisk= 31.5 eV

(Inoue et al. 2022). For the corona component, we use the results
of NuSTAR and XMM-Newton observations (Bauer et al. 2015;
Marinucci et al. 2016), which suggest that the intrinsic X-ray
luminosity (before the attenuation) is = ´-

+ -L 7 10 erg sX 4
7 43 1

(in the 2–10 keV band) and a photon index of ΓX≈ 2 with a
possible cutoff energy of εX,cut= 128 keV.
As seen from Figure 2, the optical depth for GeV–TeV

gamma rays is quite large due to the disk component, and their
escape from the source is difficult even at R= 104 RS∼ RBLR.
This also suggests that multi-GeV or lower-energy gamma rays
can escape for emission radii beyond the BLR radius. For
R= 30 RS, which is comparable to the size of the corona, even
GeV gamma rays do not escape, and the source can be
transparent to ∼10MeV or lower-energy gamma rays.
In general, high-energy gamma rays do not have to be

observed as they are because they interact with ambient
photons, and initiate electromagnetic cascades. Equation (1)
has been employed as precascaded spectra to compare the
IceCube neutrino data to the gamma-ray data particularly in the
context of intergalactic cascades (Murase et al. 2013, 2016;
Capanema et al. 2020, 2021; Fang et al. 2022). In this work, we
apply this intrinsic multimessenger connection to intrasource
cascades. If a cascade is fully developed via inverse-Compton
(IC) emission and two-photon annihilation, the resulting
spectrum is approximated by (e.g., Murase et al. 2012; Fang
et al. 2022)

e
e e e e
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cut is the gamma-ray energy at
τγγ(εγ)= 1. Although the normalization of the cascade flux
depends on details, ~g ng nE F E F0.1 0.5E E( – ) is typically expected
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Figure 1. Schematic picture of an AGN that produces high-energy neutrinos.
Gas accreting onto an SMBH forms an accretion disk and hot corona, from
which optical, ultraviolet, and X-rays are emitted. Winds and jets may also be
launched. Infrared radiation comes from a dusty torus and the starburst region.
Electromagnetic emission from the disk, corona, and broad-line regions is
highly obscured.

Figure 2. Optical depths for two-photon pair annihilation, photomeson
production and Bethe–Heitler pair production processes. The thick and thin
lines are for R = 30 RS and R = 104 RS, respectively, and t* = 10R/c is
assumed.
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Turbulent acceleration would lead to acceleration with an 
absolute upper limit at  

but the actual maximum energy is limited by Bethe-
Heitler pair production and is <100 TeV 

So, it looks like we might have found the sources of high 
energy neutrinos but at least most of them cannot be the 
source of UHECRs… 

…because Emax is not high enough… 

…and because they cannot escape the corona
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ACCELERATION IN A FAST ROTATING NEUTRON STAR

Extraction of nuclei from the surface

The electric field associated with the rotation of magnetised sphere is 

to be compared with the binding energy of nuclei in the lattice that forms 
the surface of the NS (with lattice spacing l):

the supernova ejecta region for further processing. We discuss our results and conclude in
Section 5.

2 Ion extraction and acceleration within the light cylinder

Neutron-star surfaces are believed to be composed of anisotropic, tightly bound condensed
matter. Calculations show that the outer layers should be composed mainly of long molecular
chains with axes parallel to the magnetic field [29, 30]. The chains are thought to be composed
of 56Fe ions forming a one-dimensional lattice with an outer sheath of electrons. The binding
energy of the ions can be estimated as ∼ 14 keV and the lattice spacing as l ∼ 10−9 cm [31].
Ions can thus be stripped off the surface provided that they experience a surface electric field
of E0 = 14keV/(Zel) ∼ 5.4× 1011 Z−1

26 l−1
−9 Vcm−1.

However, ions can also be stripped off with milder electric fields if the surface is bombarded
by particles (for instance leptons accelerated towards the star surface after the cascading
processes in the magnetosphere are started), and/or if they can be boiled off the surface by
stellar heat [31, 32]. In the case of a pulsar with millisecond periods at birth, the electric
field that can be provided at the surface of the star can be estimated as (see, e.g., [3])

E =
2πR⋆B

Pc
∼ 6.3× 1014 B13R⋆,6P

−1
−3 V cm−1 , (2.1)

where B is the dipole magnetic field strength of the star, R⋆ its radius and P its rotation
period. In practice, this electric field does not persist on large distances, as it is expected to
be readily screened out by pair cascading.

However the total potential drop that is available, at least in principle, for particle accelera-
tion in the magnetosphere is2:

Φ =
2π2BR3

⋆

P 2c2
∼ 6.6 × 1019 B13R

3
⋆,6P

−2
−3 V , (2.2)

which corresponds to a maximum achievable particle Lorentz factor:

γfpd =
Ze

Ampc2
Φ = 7× 1010

Z

A
B13 P

−2
−3 . (2.3)

In reality, the maximum energy achievable by ions within the corotating region will be
limited by losses, the most severe among which is curvature loss. Assuming that the to-
tal potential drop Φ is available for particle acceleration over a gap of length ξRL with
RL = cP/(2π) ∼ 4.8 × 106 P−3 cm the light cylinder radius, the equation describing the
particle energy evolution, subject to acceleration and curvature losses can be written as:

dγ

dt
=

ZeΦ

Ampc2
2π

ξP
−

8π2

3cP 2

Z2e2

Ampc2
γ4 . (2.4)

2Throughout this work, we have adopted the convention used in Ref. [3] for the geometric pre-factors of
the electromagnetic energy loss rate. See in particular its footnote 5.
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The induced electric field survives for a short distance from the surface of the NS, since it gets screened by the intense production of 
electron-positron pairs that short circuit it. The total available potential is 
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ACCELERATION IN A FAST ROTATING NEUTRON STAR

Acceleration of nuclei in the gap
A nucleus extracted from the surface gains energy in the electric field in the gap of size ξRL 
where RL is the size of the light cylinder (                                    ) but suffers severe curvature 
losses:
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The maximum Lorentz factor achievable for radiation limited acceleration is then found
equating the two terms in the r.h.s. of Eq. 2.4, and turns out to be:

γcurv =

(

3πBR3
⋆

2ZecP ξ

)1/4

∼ 1.1 × 108Z−1/4
26 ξ−1/4B1/4

13 P−1/4
−3 R3/4

⋆,6 . (2.5)

The actual maximum energy that particles can reach at any time within the corotating
magnetosphere will be set by:

γmax = min (γfpd, γcurv) . (2.6)

One thing to notice in this expression is that γcurv depends very weakly on the fraction of RL

over which the gap extends (ξ). On the other hand, the acceleration time to a given energy,
tacc(γ), has a much stronger dependence on the unknown ξ:

tacc(γ) =
Ampc2γ

ZeΦ

ξP

2π
= 5× 10−9s

γ

106
A56

Z26
B−1

13 R−3
⋆,6 P 3

−3 ξ . (2.7)

On the other hand, while in general ξ is rather uncertain, depending on pair creation in the
polar cap, the constraint R⋆/RL < ξ < 1 is particularly tight for the fast-spinning pulsars we
are concerned with: in this case R⋆/RL ∼ 0.2R⋆,6P

−1
i,−3 implies ξ = O(1) and that the gap

cannot be far from the surface of the star.

In this paper, we will work under the most classical assumption that particles are accelerated
close to the stellar surface. For scenarios in which the acceleration happens at the light
cylinder or further out, the thermal background could be too anisotropic and diluted to play
a role. On the other hand, for the outer gap scenario [33, 34], a non-thermal soft photon
background could exist that could play a similar target role as the thermal background
[20, 21]. Due to the even larger amount of uncertainties it entails, we will not consider this
scenario further in the paper.

One of the key points we want to make in this paper is to stress the crucial role of the
Lorentz factor of the wind: while in the literature one can often find the argument that
pulsars cannot be sources of CRs with Lorentz factor above γmax (Eq. 2.6), because of the
dramatic curvature losses inside the light cylinder, we argue that if γmax < γw (where γw is
the Lorentz factor of the wind, that we express later in Eq. 4.1), once particles end up in
the wind, they get advected with it at the Lorentz factor γw, irrespective of the energy they
reached in the magnetosphere. We will discuss the implications of this point in Section 4.

Notice also that while photo-disintegration of nuclei may become very important inside the
light cylinder, these interactions conserve the Lorentz factor of the nuclei involved. Photo-
pion production of protons can in principle change the Lorentz factor of individual nucleons,
but this process is very slow and its effect is found to be negligible.

3 Photo-hadronic interactions on the thermal radiation of the star

Ultrahigh energy ions can experience photo-pion production or photo-disintegration in the
thermal radiation fields generated by the star. As we will see in the following, the latter
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A nucleus of iron extracted from the surface and surviving curvature losses is also bombarded 
from behind by thermal photons emitted from the hot star surface. This causes photo- 
disintegration of the nuclei, which end up having a mixed composition at exit.

process is much more important than the former and leads to the production of progressively
lighter nuclei, with interactions that change the number of nucleons while conserving the
particle Lorentz factor. Before discussing in detail the consequences of this process on the
composition of the UHECR flux from a newborn pulsar, we first recall briefly our current
knowledge on the temperature of the pulsar surface at early stages, and estimate the key
quantities involved in the photo-hadronic processes.

3.1 Photo-hadronic interaction timescales

The thermal structure of the neutron star upper layers is not well understood, and constraints
from observations are scarce (e.g., [35–37]). Neutron stars with magnetized envelopes made
of accreted material have local surface temperatures of typically T ∼ 105.5−7 K, and for
magnetized objects, show a profile that can vary as a function of the polar angle.

The thermal photon energy density, Uth, can be expressed as a function of the neutron star
surface temperature T as Uth = aT 4, a being the radiation constant. This thermal component
peaks at energy ϵγ,th = kBT ∼ 86 eV T6.

One can model the photo-disintegration process for nuclei with a delta function (representing
the Giant Dipole Resonance with a threshold energy of order ϵ̄Aγ = 18.31A−0.21

56 MeV and
a width of ∆ϵ = 8MeV), and a roughly constant tail, with a factor of 8 times lower cross
section, at higher energies [38, 39]. The cross-section at the resonance can be written as σ̄Aγ ≈

8×10−26 A56 cm2. The threshold energy is of order (ϵ1+ ϵ2)/2 = ϵ̄Aγ = 18.31A−0.21
56 MeV and

ϵ2 − ϵ1 = ∆ϵ [38–40]. The corresponding threshold Lorentz factor for particles thus reads

γA,thres =
ϵ̄Aγ

ϵγ,th
∼ 2.1× 105 A−0.21

56 T−1
6 . (3.1)

For typical parameters appropriate for a highly magnetised fast spinning pulsar, this thresh-
old energy is lower than the maximum energy γmax reached by particles accelerated in the
gap (Eq. 2.6), implying that most particles are in a condition to experience photo-hadronic
processes.

The photo-hadronic interaction time on the neutron star thermal background can be ex-
pressed for a nucleus of mass number A, with Lorentz factor γA and velocity βA, as

tA =

[

c

∫

∞

ϵmin

dϵ
dn(ϵ, T )

dϵ

∫ 1

µM

σAγ(ϵ
′) (1− βAµ) dµ

]−1

(3.2)

with ϵ′ = γA(1 − βAµ)ϵ (primed quantities are in the nucleus rest frame). Here µ = cos θ,
with θ the angle between the direction of the cosmic ray and the photon (in the lab frame).
The maximum angle from which a thermal photon produced at the surface of the star can
hit a nucleus at a distance ct from the surface is then µM(t) = [1 − R2

⋆/(R⋆ + ct)2]1/2. The
anisotropic orientation of the photon background field radiated from the stellar surface is
taken into account by a suitable choice of the integration limits in the integral over µ. The
photon number density dn(ϵ, T )/dϵ ≈ Uth/ϵγ,thδ(ϵ− ϵγ,th) is calculated at the surface of the
star.
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quantities involved in the photo-hadronic processes.

3.1 Photo-hadronic interaction timescales

The thermal structure of the neutron star upper layers is not well understood, and constraints
from observations are scarce (e.g., [35–37]). Neutron stars with magnetized envelopes made
of accreted material have local surface temperatures of typically T ∼ 105.5−7 K, and for
magnetized objects, show a profile that can vary as a function of the polar angle.

The thermal photon energy density, Uth, can be expressed as a function of the neutron star
surface temperature T as Uth = aT 4, a being the radiation constant. This thermal component
peaks at energy ϵγ,th = kBT ∼ 86 eV T6.

One can model the photo-disintegration process for nuclei with a delta function (representing
the Giant Dipole Resonance with a threshold energy of order ϵ̄Aγ = 18.31A−0.21

56 MeV and
a width of ∆ϵ = 8MeV), and a roughly constant tail, with a factor of 8 times lower cross
section, at higher energies [38, 39]. The cross-section at the resonance can be written as σ̄Aγ ≈

8×10−26 A56 cm2. The threshold energy is of order (ϵ1+ ϵ2)/2 = ϵ̄Aγ = 18.31A−0.21
56 MeV and

ϵ2 − ϵ1 = ∆ϵ [38–40]. The corresponding threshold Lorentz factor for particles thus reads

γA,thres =
ϵ̄Aγ

ϵγ,th
∼ 2.1× 105 A−0.21

56 T−1
6 . (3.1)

For typical parameters appropriate for a highly magnetised fast spinning pulsar, this thresh-
old energy is lower than the maximum energy γmax reached by particles accelerated in the
gap (Eq. 2.6), implying that most particles are in a condition to experience photo-hadronic
processes.

The photo-hadronic interaction time on the neutron star thermal background can be ex-
pressed for a nucleus of mass number A, with Lorentz factor γA and velocity βA, as

tA =

[

c

∫

∞

ϵmin

dϵ
dn(ϵ, T )

dϵ

∫ 1

µM

σAγ(ϵ
′) (1− βAµ) dµ

]−1

(3.2)

with ϵ′ = γA(1 − βAµ)ϵ (primed quantities are in the nucleus rest frame). Here µ = cos θ,
with θ the angle between the direction of the cosmic ray and the photon (in the lab frame).
The maximum angle from which a thermal photon produced at the surface of the star can
hit a nucleus at a distance ct from the surface is then µM(t) = [1 − R2

⋆/(R⋆ + ct)2]1/2. The
anisotropic orientation of the photon background field radiated from the stellar surface is
taken into account by a suitable choice of the integration limits in the integral over µ. The
photon number density dn(ϵ, T )/dϵ ≈ Uth/ϵγ,thδ(ϵ− ϵγ,th) is calculated at the surface of the
star.
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(PB, Epstein & Olinto 2000, Arons 2003, Kotera, Amato & PB 2015)

ACCELERATION IN A FAST ROTATING NEUTRON STAR

Figure 1. Composition of UHECR nuclei after photo-disintegration in the thermal radiation field of
the star (solid lines). Extraction of pure iron at t = 0 is assumed. Eqs. 3.6 and 3.8 are solved for γ(t)
determined by Eq. 2.4 (with ξ = 1) up to the value γmax set by Eq. 2.6. The fractions of different
species are represented by solid lines, with colours as specified in the legenda of each panel, while
dashed lines refer to the opacities τA = t/tA. From left to right, top to bottom, temperatures are
T = [1, 2, 5, 10]× 106K. The vertical line indicates the time at which particles reach the light cylinder
RLc−1 and the dotted horizontal line indicates NA = 1.

is transformed into lighter nuclei. When the star temperature is of order 107K, no iron is
left at the light cylinder, nor elements with Z > 10. In this case the composition is mostly
protons and ∼ 10% CNO. The trend shown by the opacity of the different nuclei is readily
understood: initially it simply increases with time, but then it saturates and starts dropping
due to the decreasing photon field density. The maximum opacity is reached at a time which
is independent of nuclear species and stellar temperature, as can be readily understood from
Eqs. 3.4−3.5.

One thing to notice is that, as we already anticipated at the end of the previous section, the
photo-pion process is always irrelevant, as shown by the dashed black line representing the
corresponding opacity in the different panels.

These photo-hadronic interaction calculations are done under rough approximations. We

– 7 –

T=106K T=2x106K

T=2x106K T=107K

 Depending on the temperature of the surface of the NS 
the photo-disintegration of Fe nuclei leads to a mixed 
composition 

 The amount of mixture depends on the temperature 

 Take into account that the photo-disintegration occurs 
in a very anisotropic, time-dependent scenario 
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Gone with the wind (PB, Epstein & Olinto 2000, Arons 2003, Kotera, Amato & PB 2015)

ACCELERATION IN A FAST ROTATING NEUTRON STAR

The general picture is that once the particles reach the light cylinder, they can take part in the wind, namely they move with the wind 
Lorentz factor, EVEN IF THEY SUFFERED LOSSES EARLIER ON!

have considered a cross-section composed of a delta function (to mimic the Giant Dipole
Resonance) and a plateau at high energies (for higher-energy processes), and assumed that
only one nucleon is liberated in each interaction. In practice, at the energies that we consider,
we barely fall in the Giant Dipole Resonance regime, but in the “plateau”, where Quasi-
Deuteron and Baryonic Resonance processes dominate. The products stripped from the
nuclei via these interactions are likely not single nucleons, but deuterons or alpha particles.
Fragmentation of the nuclei in several lighter nuclei is also possible. This constitutes a limit
of our calculation. A more thorough numerical calculation with tabulated processes would
enable to better assess the resulting composition. A better treatment, however, would not
change our main result: heavy nuclei would still survive for temperatures T ! 107 K.

4 Spectra injected in the wind

Particles accelerated in the gap are injected in the pulsar wind, and reach higher energies,
with fluxes that we estimate below. They subsequently reach the nebula region and the
supernova ejecta, where they encounter other radiative and baryonic fields. As mentioned in
the introduction, the effects of these backgrounds were calculated extensively in [6, 7, 22].
More precisely, Ref. [7] estimated that the typical composition that has to be accelerated
in the wind region before being altered by the supernova ejecta and the propagation in the
intergalactic medium was ∼ 50% protons, ∼ 30% CNO and ∼ 20% Fe. These authors discuss
that this result is rather robust (the composition weakly depends on the supernova parameters
or on the narrow range of pulsar parameters allowed for successful UHECR acceleration).

Neutron stars spin down and their rotational energy is channelled via their winds towards the
outer medium. In the following we assume, as the observations suggest for the Crab pulsar,
that the electromagnetic luminosity, Ėp = (8πB2

⋆R
6
⋆)/(3c

3P 4) [42], is efficiently converted into
kinetic luminosity, Ṅγwmc2. We write the latter as: Ṅγwmc2 ≡ 2κmec2ṄGJγw (1 + xA),
with ṄGJ = e−1(Ėpc)1/2 the Goldreich-Julian charge density [43], and xA ≡ mA/ (2κZme),
where mA = Amp is the ion mass and κ the pair multiplicity, namely the number of pairs
produced for each electrons that leaves the star.

We can then write the wind Lorentz factor as [22]:

γw(t) ≃ (1− ηB)
Ėp

Ṅmc2

∼ 3× 109 (1− ηB)(1 + xA)
−1(1 + t/tsd)

−1κ−1
4 P−2

i,−3B13R
3
⋆,6 . (4.1)

Here, we have expressed the pulsar spin down luminosity Ėp(t) = Ėp0/(1 + t/tsd)2 (as-
suming a breaking index of 3), where the initial luminosity is Ėp0 = Erot/tsd ≃ 6.4 ×

1044P−4
i,−3B

2
⋆,13R

6
⋆,6 erg/s, and the spin-down time is

tsd =
9Ic3P 2

i

8π2B2R6
∼ 3.1× 107 s I45B

−2
13 R

−6
⋆,6P

2
i,−3 . (4.2)

ηB represents the fraction of magnetic energy injected into the energy conversion region.
Observations indicate that close to the pulsar wind nebula ηB ≪ 1 [44].
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with ṄGJ = e−1(Ėpc)1/2 the Goldreich-Julian charge density [43], and xA ≡ mA/ (2κZme),
where mA = Amp is the ion mass and κ the pair multiplicity, namely the number of pairs
produced for each electrons that leaves the star.

We can then write the wind Lorentz factor as [22]:

γw(t) ≃ (1− ηB)
Ėp
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Spin down time of the pulsar

Notice that it drops down with time!!!
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Gone with the wind (PB, Epstein & Olinto 2000, Arons 2003, Kotera, Amato & PB 2015)

ACCELERATION IN A FAST ROTATING NEUTRON STAR

Since the Lorentz factor of the wind decreases, the energy of the 
particles also decreases in time and results in a SPECTRUM (PB, 
Epstein & Olinto 2000): 

and the spectrum is:

Depending on the value of κ, that can range between 10 − 108 in theory (a highly debated
quantity, see e.g., [44]), the energy conversion can be efficient enough to enable iron to reach
energies at neutron-star birth (t = 0)

E0 ∼ 2.3× 1020 eVA56 η κ
−1
4 P−2

i,−3B13R
3
⋆,6 , (4.3)

assuming xA < 1 (we have, e.g., xFe ∼ 0.2 for κ = 104) and ηB ≪ 1. To take into account all
the uncertainties on the luminosity conversion efficiency, we have introduced the efficiency
factor η ≤ 1.

As the neutron-star spins down, cosmic rays flowing with the wind will have an energy

ECR(t) = E0 (1 + t/tsd)
−1 (4.4)

∼ 1.2× 1020 eV ηA56κ4I45B
−1
13 R

−3
⋆,6 t7.5

−1 for t > tsd.

Channelling the Goldreich-Julian charge density into particles and taking into account the
neutron-star spin down rate (neglecting gravitational wave losses), one can write the cosmic-
ray injection flux as:

dNCR

dE
=

∫

∞

0
dtṄGJ(t)δ (E − ECR(t)) =

ṄGJ(0)tsd
E

. (4.5)

In order to compute the spectrum and composition emerging from the star, we can use the
results of the previous section and Eq. 4.5 as long as a number of conditions are satisfied:

• the star surface temperature should not decrease appreciably below the value initially
assumed

• the electric field at the star surface, which decreases with time as P−1 must stay larger
than the value required for extraction of iron nuclei (which is also changing and likely
increasing with time, due to the decreasing temperature)

• the acceleration time (Eq. 2.7) needed to reach γth, which has a strong dependence on
the pulsar period, ∝ P 3, should still be short enough so that γth is reached before the
time corresponding to the peak in the opacity (which always occurs at t ≈ 10−2RL(0)/c,
as one can see from Fig. 1).

While the evolution of the star surface temperature is not very well constrained, it seems
reasonable to assume that this stays constant for the first few ×100 yr. If this is the case,
then all other conditions are satisfied for t < 100 yr, and we decided to limit ourselves to this
time. This causes us to be able to reliably compute the spectrum of iron only down to an
energy E ≈ 1018 eV (see Eq. 4.5). This does not mean that the pulsar model predicts a low
energy cut-off for the spectrum of iron at around this energy, with the UHECR composition
predicted by this model becoming progressively lighter at lower energy. A low energy cut-off
for iron is expected, due to the fact that condition 2 will be violated at some point, but
currently we are simply not able to assess this matter, due to the large number of unknowns.
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Channelling the Goldreich-Julian charge density into particles and taking into account the
neutron-star spin down rate (neglecting gravitational wave losses), one can write the cosmic-
ray injection flux as:

dNCR

dE
=

∫

∞

0
dtṄGJ(t)δ (E − ECR(t)) =

ṄGJ(0)tsd
E

. (4.5)

In order to compute the spectrum and composition emerging from the star, we can use the
results of the previous section and Eq. 4.5 as long as a number of conditions are satisfied:

• the star surface temperature should not decrease appreciably below the value initially
assumed

• the electric field at the star surface, which decreases with time as P−1 must stay larger
than the value required for extraction of iron nuclei (which is also changing and likely
increasing with time, due to the decreasing temperature)

• the acceleration time (Eq. 2.7) needed to reach γth, which has a strong dependence on
the pulsar period, ∝ P 3, should still be short enough so that γth is reached before the
time corresponding to the peak in the opacity (which always occurs at t ≈ 10−2RL(0)/c,
as one can see from Fig. 1).

While the evolution of the star surface temperature is not very well constrained, it seems
reasonable to assume that this stays constant for the first few ×100 yr. If this is the case,
then all other conditions are satisfied for t < 100 yr, and we decided to limit ourselves to this
time. This causes us to be able to reliably compute the spectrum of iron only down to an
energy E ≈ 1018 eV (see Eq. 4.5). This does not mean that the pulsar model predicts a low
energy cut-off for the spectrum of iron at around this energy, with the UHECR composition
predicted by this model becoming progressively lighter at lower energy. A low energy cut-off
for iron is expected, due to the fact that condition 2 will be violated at some point, but
currently we are simply not able to assess this matter, due to the large number of unknowns.

– 9 –
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Very hard spectrum!!!

Figure 2. Cosmic-ray spectra EdNA/dE and composition estimated at time tw after injection with
tw = 100×RL/c and an injection time < 100 yr. This limit on tinj, which reflects in the iron spectrum
to be cut off at ≈ 1018 eV, was chosen because at later times the unknowns are such as to make our
calculation unreliable (see text for details). The results refer to a case in which only iron is extracted
from the star surface and photo disintegration is taken into account as described in Section 3. From
left to right, top to bottom, temperatures are T = [1, 2, 5, 10]× 106K.

Figure 2 shows the spectra of the primary and secondary nuclei produced in the wind at
times tw = 100 × RL/c after injection, for a primary iron nucleus injection at t = tinj with
tinj < 100 yr. The time tw is chosen to be much longer than the photodisintegration loss
time scale, to ensure that these spectra reflect the composition that will be injected in the
wind and leave the star with the wind Lorentz factor. In our calculations we use the output
obtained in Section 3 and Eq. (4.5) normalized to the total number of injected nuclei:

E
dNA

dE
=

NA

NFe(t = 0)
exp

(

−
γ

γw

)

, (4.6)

where γw is defined in Eq. (4.1) with xA < 1 for all nuclei.

Figure 3 gives the fraction of each nuclear species as a function of the neutron star surface
temperature T , assuming again that only iron is directly extracted from the stellar surface.
This figure demonstrates that a significant fraction ! 10% of heavy nuclei survive the photo-
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strong enough to drive and sustain a powerful galactic outflow. In this 
framework, CRs could also contribute as a supplementary ingredient 
po wering an outflo w in very acti ve star-forming galaxies as discussed 
by Hanasz et al. ( 2013 ). Ho we ver, their importance in contributing 
to the wind launching is highly uncertain due to the possible impact 
of the dense and turbulent environment on their transport (see e.g. 
Krumholz et al. 2020 ) and their severe energy losses in the core of 
SBGs (see e.g. Peretti et al. 2019 ; Werhahn et al. 2021 ; Kornecki 
et al. 2022 ). On the other hand, in the case of a less intense and 
spatially extended star formation, typical of the spiral arms of mild 
star-forming galaxies, where energy losses are usually negligible, the 
additional contribution of CRs (see e.g. Breitschwerdt, McKenzie & 
Voelk 1991 ; Everett et al. 2008 ; Recchia, Blasi & Morlino 2016 ; 
Pfrommer et al. 2017 ; Girichidis et al. 2022 ) and radiation pressure 
may be necessary to launch a galactic outflow (see e.g. Zhang 2018 ). 

The dynamics of starburst winds (Strickland & Stevens 2000 ; 
Strickland et al. 2002 ) is qualitatively similar to that of stellar winds 
and winds of star clusters (Castor, McCray & Weaver 1975 ; Weaver 
et al. 1977 ; Koo & McKee 1992a , b ) when the galactic ISM is roughly 
homogeneous (Strickland et al. 2002 ). Ho we ver, when the medium is 
inhomogeneous, as expected in realistic cases (Westmoquette et al. 
2009a , b ), the hot gas follows the path of least resistance out of 
the disc, resulting into a non-homogeneous outflow. Once in the 
halo, the hot gas expands freely and the geometry can be reasonably 
assumed to be spherical (see Cooper et al. 2007 ). For our purposes, 
the assumption of a spherical geometry is well moti v ated by the fact 
that accelerated particles probe large distances, averaging out any 
spatial inhomogeneities. 

Radiative losses can affect the wind dynamics and several theo- 
retical and numerical works investigated the possible role of such 
losses, leading to a wide range of possible scenarios (see Bustard, 
Zweibel & D’Onghia 2016 ; Zhang 2018 , and references therein). If 
the starburst wind is approximately adiabatic (as shown in numerical 
simulations; see e.g. Fielding et al. 2017 ; Schneider et al. 2020 ), its 
behaviour is in good agreement with the analytic model developed 
in CC85 , and adopted in this work. 

The first stage of the evolution of the wind bubble is characterized 
by a free expansion that ends when the mass of the swept-up ambient 
medium becomes comparable to the mass injected in the form of 
a wind ( t free ! 1 Myr for an average halo density n h ≈ 10 −3 cm −3 ). 
The wind is supersonic, so that it is preceded by a forward shock, 
while a reverse shock is launched towards the interior, the so-called 
termination shock. During the free expansion phase, the two shocks 
mo v e outwards but staying very close to each other. The shocked 
wind and the shocked ISM are separated by a contact discontinuity. 
When the accumulated mass eventually becomes larger than the mass 
added in the form of a wind, the outflow decelerates appreciably. If 
the CGM is assumed to be spatially homogeneous, the radius of the 
forward shock changes in time as R FS ∝ t 3/5 , while the termination 
shock follows the trend R sh ∝ t 2/5 (see Weaver et al. 1977 ; Koo & 
McKee 1992a ). The bubble eventually reaches a pressure-confined 
state, typically after a few tens of Myr. This late stage of the evolution 
is characterized by a pressure balance between the cool wind ram 
pressure and the pressure of the undisturbed halo medium P h (which, 
in turn, is in equilibrium with the pressure of the shocked wind). At 
this point, the wind shock is stalled while the contact discontinuity 
and the forward shock keep slowly expanding in the CGM. As 
detailed in Lochhaas et al. ( 2018 ) (see also Strickland & Stevens 
2000 ), the dynamics of the wind bubble depends on the density 
profile of the CGM gas. 

The structure of the starburst-driven wind bubble can be pictured 
as onion like (see top panel of Fig. 1 ). The SBN, responsible for 

Figure 1. Top panel: structure of the wind bubble. The SBN, from which the 
wind is launched, is located in the centre of the galactic disc. The blue (red) 
arrow corresponds to the cool (shocked) wind region. The wind shock ( R sh ) 
separates the two regions. The forward shock (at R FS ) bounds the system 
from the undisturbed halo region (credit: I. Peretti). Bottom panel: wind 
profile (thick red) and particle density profile (dot–dot–dashed blue), where 
Y is the density or velocity, and Y 0 is the normalizing density or velocity. The 
plot is in arbitrary units for illustrative purposes. The location of the wind 
shock is assumed to be at 10 R SBN for illustrative purposes. 
launching and powering the outflow, is located at the centre of the 
system. The wind speed increases approaching the boundary of the 
SBN, where it becomes supersonic and quickly reaches its terminal 
velocity ( V ∞ ). At this point the wind velocity remains basically 
constant (see CC85 and lower panel of Fig. 1 ), up to the termination 
shock (located at R sh ), where the wind is slowed down and heated up. 
As we discuss below, this configuration is very interesting from the 
point of view of particle acceleration, in that the upstream region is 
in the direction of the SBN, hence particle escape from the upstream 
region is inhibited and becomes possible only through the external 
boundary of the wind bubble. The medium in which a galactic wind 
bubble expands affects the spatial structure of the bubble. Galactic 
haloes are inferred to be characterized by a hot diffuse gas component 
where typically n h ! 10 −2 cm −3 and T h ∼ 10 6 –10 7 K (Anderson, 
Churazov & Bregman 2016 ; Tumlinson, Peeples & Werk 2017 ). 
Hence, in a starburst CGM the thermal pressure is expected to be 
P h /k B ! 10 5 K cm −3 (where k B is the Boltzmann constant). 

In evolved wind bubbles, the balance between the thermal pressure 
in the halo and the wind ram pressure, ρ v 2 w , sets the position of the 
termination shock: 
R sh ≈

√ 
Ṁ V ∞ 
4 πP h = 6 . 2 Ṁ 1 / 2 0 V 1 / 2 ∞ , 8 P −1 / 2 

h , 4 kpc , (1) 
where Ṁ ( Ṁ 0 ) is the wind mass-loss rate (in units of 1 M ⊙ yr −1 ), 
V ∞ ,8 is the terminal wind speed in units of 10 8 cm s −1 , and P h,4 is 
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Particle acceleration is expected to take place at the termination shock of the collective wind 
induced by the star forming region 

The acceleration at the termination shock is standard DSA at a newtonian shock, but in 
spherical symmetry 

The maximum energy is fixed by geometry and IT IS NOT SUFFICIENT TO REACH THE 
OBSERVED MAXIMUM RIGIDITIES!High-energy particles in starburst winds 1345 

Figure 6. Multimessenger emission for scenarios I and II (top and bottom 
panels, respectively) compared with Fermi -LAT (Ackermann et al. 2015 ) and 
IceCube (Abbasi et al. 2021 ) data. The colour code is the same for all panels: 
total gamma-rays and single fla v our neutrinos are shown as thick red lines 
and blue filled squares, respectively. Direct gamma-ray component from the 
SBN and wind (dashed violet and two-dot–dashed orange, respectively) are 
shown separately with their associated cascade spectra (dot–dashed magenta 
and three-dot–dashed, respectively). The neutrino components from SBNs 
(green empty circles) and from the winds (grey empty triangles) are shown 
separately. 
et al. ( 2021 ), the associated neutrino flux would correspondingly 
increase. 
5.2 Cosmic rays 
Cosmic ray (CR) protons accelerated at the termination shock of 
the SBG wind eventually escape the system from the outer edge 
of the bubble. Since energy losses do not affect the spectrum of 
these particles in a significant way, the escape spectrum is similar 
to the spectrum of particles accelerated at the termination shock. 
The diffuse flux of protons contributed by SBG winds, calculated 
using equation (20) that neglects any propagation effects due to the 
intergalactic magnetic fields, is shown in Fig. 7 for the scenarios 
I and II introduced earlier. Notice that since the maximum energy 
of accelerated particles is ! few hundred PeV, below the threshold 
for Bethe–Heitler pair production, the transport of these CRs on 
cosmological scales is dominated by adiabatic losses alone as due 
to the expansion of the Universe. In Fig. 7 , the predicted proton 
fluxes are compared with data of the all-particle spectrum and on the 
light component alone, as collected by IceTop (Aartsen et al. 2019 ), 
Tunka (Epimakhov et al. 2013 ; Prosin et al. 2016 ), and KASCADE–
Grande (Arteaga-Vel ́azquez et al. 2017 ). This shows that if indeed 
particle acceleration at winds termination shock does take place, 
so as to contribute to the HE neutrino flux, a sizeable contribution 

Figure 7. Diffuse proton flux escaped from the starburst wind and propagated 
to the Earth for the prototype cases B0 (dot–dot–dashed) and B1 (thick). The 
predicted proton flux is compared with data from Tunka (Epimakhov et al. 
2013 ; Prosin et al. 2016 ), KASCADE–Grande (Arteaga-Vel ́azquez et al. 
2017 ), and IceTop (Aartsen et al. 2019 ). 
to the protons CR flux measured at the Earth should be expected. 
Notice that here we only estimated the flux of protons from SBGs, 
but it is reasonable to expect that heavier nuclei are also accelerated, 
if present in the wind. Such nuclei would contribute to the total 
CR flux at higher energies. We also observe that our results on the 
starb urst contrib ution to the CR spectrum are qualitatively supported 
by Zhang, Murase & M ́esz ́aros ( 2020 ) where, ho we ver, dif ferent 
assumptions were adopted for both the acceleration and transport of 
HE particles in galactic winds. 

A comment on the spectral shape of CRs from SBGs is in order: 
one can see in Fig. 7 that the spectrum expected at the Earth is similar 
to that originated at individual wind bubbles, as a consequence of 
the fact that adiabatic losses do not change the spectral shape. On 
the other hand, such a straightforward connection can be made here 
only because of the assumption that all SBGs can be considered 
as similar to one of the two prototypical sources adopted here. In 
general this is not the case, and one should expect that the higher the 
wind luminosity, the higher the maximum energy of the accelerated 
particles, but the lower the number of such objects in the Universe. 
As a result, qualitatively, one might expect that the diffuse flux of 
CR protons (as well as neutrinos) might become steeper at energies 
higher than the maximum energy associated with the least luminous 
of the winds, as discussed in a generic case by Kachelrieß & Semikoz 
( 2006 ). We finally observe that, based on our calculations, it is 
difficult to accelerate protons abo v e ∼10 18 eV in the wind of normal 
SBGs. 
6  DISCUSSION  A N D  C O N C L U S I O N  
The theory of particle acceleration at the termination shock of winds 
originating in star clusters, as developed by Morlino et al. ( 2021 ), has 
been adapted here to the description of particle acceleration at the 
termination shock of starburst winds. At such shock the wind from 
the SBN is slowed down and heated up, so as to reach approximate 
pressure balance with the galactic halo in which the wind was 
originally expanding. In fact a weak forward shock mo v es slowly 
through the halo medium, but its Mach number is too low to be of 
rele v ance for particle acceleration. 

We have assumed a stationary spherical geometry for the wind- 
blown bubble. Even though numerical simulations might show a 
variety of possible deviations from such an assumption, particle 
acceleration and transport are not particularly affected by such 
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A recent Fermi-LAT analysis (Ajello et al. 2021 ) showed that 
UFOs are a new class of gamma-ray emitters. In this analysis, the 
average gamma-ray emission from a sample of 11 nearby ( z < 0 . 1) 
radio-quiet AGN with an UFO is derived by adopting a stacking 
analysis. The average best-fit gamma-ray spectral slope is measured 
to be 2.1 ± 0.3, and the gamma-ray luminosity is found to scale with 
the AGN bolometric luminosity. 

AGN-dri ven outflo ws, similar to stellar winds (see e.g. Weaver 
et al. 1977 ; Koo & McKee 1992a , b ), are expected to develop a 
structure characterized by an inner wind termination shock (hereafter 
wind shock ), a contact discontinuity, and an outer forward shock. 
The forward shock has been proposed as a plausible site for particle 
acceleration (see e.g. Lamastra et al. 2016 ; Wang & Loeb 2016a ; 
Lamastra et al. 2019 ; Ajello et al. 2021 ), where ideal conditions for 
efficient production of gamma rays and high-energy (HE) neutrinos 
are expected (see also McDaniel, Ajello & Karwin 2023 , for a recent 
study on molecular outflows). Wang & Loeb ( 2017 ) highlighted also 
the possibility that, in somewhat extreme conditions, a fast AGN- 
driven wind could have the energy budget to accelerate CRs up 
to the ultra-high-energy (UHE) range. The associated cumulative 
contribution of AGN-driven winds to the diffuse gamma-ray and 
neutrino flux has been also explored (see e.g. Wang & Loeb 2016a , 
b ; Lamastra et al. 2017 ; Liu et al. 2018 ). In addition, the amplitude of 
the recently observed spectrum of the diffuse neutrino flux (Abbasi 
et al. 2021 ), in light of the constraints imposed by the diffuse gamma- 
ray flux observed by Fermi-LAT (Ackermann et al. 2015 ), suggests 
that there could be a class of sources at least partially opaque to 
gamma rays (see e.g. Murase, Guetta & Ahlers 2016 ). 

Indeed, a search for time-integrated point-like neutrino sources 
(Aartsen et al. 2020 ) highlighted an excess in the direction of 
the Seyfert galaxy NGC1068. The most intriguing aspect of the 
emission of such a galaxy is the lack of gamma rays in the TeV 
band (Acciari et al. 2019 ), where the neutrino flux is observed. The 
natural implication of a highly opaque cosmic particle accelerator 
triggered several studies on the multimessenger implications of 
HE particles populating the innermost region of AGN, such as 
discs and accretion flows (see e.g. Kimura, Murase & M ́esz ́aros 
2019 ; Guti ́errez, Vieyro & Romero 2021 ), combined emission from 
successful and failed AGN winds (Inoue et al. 2022 ), and AGN 
corona (see e.g. Inoue, Khangulyan & Doi 2020 ; Murase, Kimura & 
M ́esz ́aros 2020 ; Kheirandish, Murase & Kimura 2021 ; Eichmann 
et al. 2022 ; Murase 2022 ). Interestingly, we recently witnessed a 
growth in the statistical significance of the signal from NGC1068 
(Abbasi et al. 2022a ). 

Even though there is an increasing evidence for HE particles pop- 
ulating the innermost regions of active galaxies, our understanding 
of the acceleration mechanisms at play in such environments is still 
incomplete. The mechanisms capable of energizing HE particles in 
the vicinity of SMBH is indeed a partially unexplored field we aim to 
assess in this work together with its multimessenger consequences. 

Therefore, we develop a model for particle acceleration by explor- 
ing the dif fusi ve shock acceleration (DSA) mechanism at the wind 
shock of UFOs. At this shock, unique conditions for acceleration of 
protons at energies as high as ∼10 18 eV can be found. In addition, the 
medium property could make such sources bright in HE neutrinos 
while being partially opaque to gamma rays beyond 10–10 2 GeV. 
In particular, the optical thickness to gamma-rays depends on the 
specific parametric conditions. We discuss the role of UFOs as UHE 
cosmic ray (UHECR) sources in light of the spectral behaviour of the 
particle flux escaping the AGN wind bubble. In particular, we show 
that at the highest energies spectral features harder than E −2 could 
appear in the spectrum of escaping particles due to the interplay 

Figure 1. Structure of the wind bubble. The SMBH (BH) responsible for 
the wind launching is located on the left of the sketch. The blue (red) arrows 
correspond to the cool (shocked) wind of the upstream (downstream) region. 
The wind shock ( R sh ) separates these two regions. The SAM is located 
between the contact discontinuity ( R cd ) and the forward shock ( R fs ), which 
bounds the system (credit: I. Peretti). 
of diffusion-advection and energy losses. This result is of great 
interest in light of phenomenological studies aiming at modelling 
the spectrum and mass composition observed by the Pierre Auger 
Observatory, which suggest UHECRs to be characterized by hard 
spectra (see e.g. Unger, Farrar & Anchordoqui 2015 , and references 
therein). Moreo v er, if UFOs were common in galaxies, this would 
produce important implications for their diffuse multimessenger 
emission. We provide here an order of magnitude estimate of the 
potential role of UFOs for a diffuse flux of HE neutrinos and CR 
at the ankle . Finally, we explore whether an UFO could play a role 
in the neutrino emission observed in NGC1068 discussing possible 
realizations of such a system, which better agree with observed data. 

The manuscript is organized as follows: in Section 2, we describe 
the model for the wind bubble and the associated particle acceleration 
and transport formalism; in Section 3 , we discuss our results in 
terms of spectra of accelerated and escaping particles, we perform a 
parameter space scan focusing on the maximum energy. In Section 4 , 
we discuss the multimessenger implications in terms of HE photons, 
and neutrinos and in Section 5 , we specialize our model by applying 
it to the case of NGC1068 and discuss possible model impro v ements 
and alternative scenarios. We draw our conclusions in Section 6 . 
2  M O D E L  F O R  PA RT I C L E  ACCELERATION  
A N D  MULTIMESSENGER  EMISSION  IN  UFO  
The fast wind launched and sustained by AGN expands with large 
opening angle and mildly relativistic velocity. At such speed, the 
outflow is supersonic therefore it drives a forward shock expanding 
in the external medium, while a contact discontinuity separates the 
shocked wind (SW) material from the shocked ambient medium 
(SAM). The impact of the wind on the external medium creates a 
shock inside the wind material, the wind shock, which is trailing 
behind the contact discontinuity and it is oriented towards the central 
engine. The outflow, characterized by these three discontinuities, 
features a bubble structure as sketched in Fig. 1 . 

The environment surrounding active SMBHs, where UFOs expand 
is extremely complex: from the innermost parts of AGN, one can 
find the accretion disc, the broad-line region (BLR) with highly 
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dense clouds of density up to n c ! 10 10 cm −3 (see e.g. Ricci & 
Trakhtenbrot 2022 ), a dusty torus, the narrow-line region with clouds 
of typical density of about 10 4 cm −3 and often a larger circum- 
nuclear disc (see e.g. Urry & P ado vani 1995 ). F or the purposes of 
modelling the dynamics of the UFO, we assume a uniform circum- 
nuclear medium (CNM) of ef fecti ve density n 0 . A plausible range 
of values for n 0 can be derived from the column density N H , based 
on the work by Ricci et al. ( 2017 ): considering N H ! 10 25 cm −2 
as a typical range for the column density of AGN and assuming 
10 6 –10 9 M ⊙ as a plausible mass range for SMBHs, we obtain 1.5–
63 pc as a typical radius for the sphere of influence of the black hole 
( GM SMBH /σ 2 

∗ ) and an upper limit to the external medium density 
of n 0 ! 5 · 10 4 –10 6 cm −3 . Here, we adopted the relation between 
black hole mass and stellar velocity dispersion, M SMBH / 10 9 M ⊙ ≃ 
0 . 309 × ( σ∗/ 200 km s −1 ) 4 . 38 (Kormendy & Ho 2013 ). 

In a uniform medium of density n 0 , the wind expands with constant 
velocity up to the radius at which the swept-up mass roughly balances 
the whole mass of the outflow. After the swept-up mass becomes 
dynamically rele v ant, the outflo w starts decelerating. During the 
deceleration phase, the forward shock R fs and the wind shock R sh 
evolve self-similarly according to different scaling laws: R fs ∼ t 3/5 
and R sh ∼ t 2/5 (see also Weaver et al. 1977 ; Koo & McKee 1992a , 
b , for detailed discussions and Appendix A for additional details). 
Since the wind shock decelerates faster than the forward shock, 
the hot bubble, namely the spherical shell between the wind shock 
and the contact discontinuity, grows with time while remaining 
approximately adiabatic. In this context, the wind bubble evolution 
can be considered as energy-conserving (see e.g. Faucher-Gigu ̀ere & 
Quataert 2012 ). On the other hand, radiative losses in the SAM 
can be efficient (see e.g. Nims, Quataert & Faucher-Gigu ̀ere 2015 ), 
so that the whole swept-up mass is eventually compressed into a 
relatively thin layer between the contact discontinuity, R cd , and R fs . 
While the wind bubble slows down its expansion, the relative velocity 
between the plasma and the wind shock remains high, namely the 
shock stays strong. Therefore, we refer to the innermost region of 
free expanding wind and to the SW, respectively, as upstream and 
downstream . Different from the wind shock, the Mach number of the 
forward shock strongly depends on the temperature and conditions 
of the surrounding medium. Therefore, it is not guaranteed that the 
forward shock is strong for a sufficient amount of time. 

We assume a spherically symmetric geometry for the outflow and, 
since the wind launching region has a negligible size compared to 
the whole bubble, we also assume a constant upstream velocity u 1 . 
The SW is adiabatic therefore the velocity profile reads: u 2 ( r ) = 
u 2 ( R sh / r ) 2 , where u 2 = u 1 /4. In agreement with observations of UFOs, 
we limit our investigation to a plasma velocity lower than ∼0.3 c . 
We thus neglect relati vistic ef fects due to the mildly relativistic 
motion of the plasma. The gas density in the upstream region scales 
as n 1 ( r) = Ṁ / [4 πr 2 u 1 m p ], while in the downstream region it is 
constant and equal to n 2 = 4 n 1 ( R sh ). The gas density between 
R cd and R fs depends on the amount of matter accumulated during 
the outflow evolution, n SAM = n 0 R 3 fs / ( R 3 fs − R 3 cd ), where we assume 
R cd ≃ 0 . 9 R fs (Sharma et al. 2014 ). Under this assumption, one 
obtains n SAM ≈ 4 n 0 as a typical gas density in the SAM layer. We 
postulate a turbulent nature for the magnetic field, and we estimate its 
amplitude in the upstream region under the assumption that a fraction 
ϵB ! 10 per cent of the ram pressure is converted into magnetic field 
energy density, namely U B ( r) = ϵB m p n 1 ( r) u 2 1 . At the wind shock, 
we assume that the magnetic field gets compressed by a factor √ 

11 , 
typical of strong shocks, and remains constant throughout the whole 
downstream region. We adopt the quasi-linear theory of diffusion, 
D( r, p) = v( p ) r 2 −δ

L ( r, p ) l δ−1 
c / 3, where v is the particle velocity, r L 

Figure 2. Typical time-scales regulating the transport of HE particles 
compared with the age of the system (thick black line). The blue dashed line 
represents the acceleration time-scale, while energy losses via photomeson 
and Bethe–Heitler pair-production are represented, respectively, by red and 
magenta dot–dashed lines. Adv ectiv e and dif fusi ve escape are represented by 
orange and green dotted lines. 
is the Larmor radius, δ is the slope of the turbulence power spectrum, 
and l c is the coherence length of the magnetic field that we assume 
to be comparable in size with the launching radius of the wind. 
In addition, we account for the small-angle scattering regime of 
diffusion, namely D ∝ r 2 L , which takes place when r L > l c (see e.g. 
Subedi et al. 2017 ; Dundovic et al. 2020 ). 

The average lifetime of AGN is inferred to be ! 10 7 yr (Yu & 
Tremaine 2002 ). During this time, the AGN is expected to show 
multiple episodes of activity with duty cycles of ! 10 5 yr duration 
(Schawinski et al. 2015 ). This suggests that, even though their typical 
age is not known at present, UFOs could have a lifetime ranging from 
hundred years up to several thousands of years. In this work, we 
explore UFOs under the assumption that they can be powered for a 
sufficient amount of time so as to allow them to reach the deceleration 
phase. Therefore, O(10 3 yr) is a conserv ati ve assumption, while we 
comment in Section 3.1, the impact of assuming a different lifetime 
up to values comparable with the AGN duty cycle. In this context, 
the dynamical evolution of the system becomes soon slower than all 
rele v ant time-scales involving HE particles. Hence, the process of 
particle acceleration and transport can be treated as stationary (see 
Fig. 2 in Section 3, where the typical time-scales for HE particles in 
a prototype UFO are discussed). We assume a spherically symmetric 
transport, where particles are injected via DSA at the wind shock, 
whereas, once they reach the forward shock location, they freely 
escape the wind bubble. The transport equation reads: 
r 2 u ∂ r f = ∂ r [ r 2 D ∂ r f ] + p 

3 ∂ p f ∂ r [ r 2 u ] + r 2 [ Q − λf ] , (1) 
where u = u ( r ) is the wind velocity profile, D = D ( r , p ) is the diffusion 
coefficient, Q = Q ( r , p ) is the injection term, and λ = λ( r , p ) is the 
loss rate accounting for pp and p γ interactions (see Appendix B 
for additional details). As boundary conditions, consistently with the 
spherical symmetry, we assume a null net flux at the centre of the 
system, uf − D ∂ r f | r= 0 = 0, while, as mentioned earlier, we regard 
the forward shock as a free escape boundary, f ( R fs , p ) = 0. The 
injection term reads: 
Q ( r, p) = Q 0 ( p) δ[ r − R sh ] = ηCR u 1 n 1 

4 πp 2 δ[ p − p inj ] δ[ r − R sh ] , (2) 
where p inj = 1 GeV / c is the injection momentum of particles (picked 
up from the plasma) that enter the DSA process and ηCR is the 
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Figure 3. Top panel: spatial distribution of the CR phase space density. 
Low-energy particles behave in the system as illustrated by the red dotted 
line, high-energy particle behaviour is represented by the blue dot–dashed 
curve, while the black curve shows the behaviour of particles at the maximum 
energy. Bottom panel: spectrum of particles at the shock (thick green line) 
compared to the spectral shape of the escaping flux (dashed magenta line). 
The dotted curves represent the particle spectra in the downstream region. 
From red to blue, the dotted lines are computed at r / R fs = 0.29, 0.33, 0.44, 0. 
57, 0.75, 0.9. 
expected to set the maximum energy; 4) τ p γ and τBH increase with 
the second power of the distance moving outward from R sh to R fs 
therefore the transport in the downstream region is characterized 
by a close competition between energy losses and escape; 5) the 
Bethe–Heitler pair production does not play a dominant role since at 
low energy the transport is advection-dominated while at the highest 
energies is regulated by the photomeson production. 

The spatial transport of particles is regulated by advection at low 
energy and by diffusion at the highest energies while energy losses, 
both adiabatic (in the upstream region) and inelastic collisions, can 
affect the normalization and/or introduce spectral features. The top 
panel of Fig. 3 shows the spatial distribution for three different CR 
energies. The upstream region ( R / R sh < 1) is characterized by the 
competition between diffusion, which tries to homogenize spatially 
the particles, and advection which prevents low energy particles 
to diffuse upwind. In particular, one can see that the higher the 
energy the stronger the impact of diffusion. The red dotted line 
illustrates the spatial distribution at low energies while the blue and 
black lines show results for an intermediate energy and near the 
exponential cut-of f, respecti vely. In the do wnstream region ( R / R sh > 
1) one can see that, different from the upstream one, advection- 
dominated transport leads to a spatially homogenized solution 
whereas diffusion-dominated transport leads to a number suppression 

while approaching the free escape boundary. This behaviour is a 
natural result of the spherical geometry of the system. 

The bottom panel of Fig. 3 illustrates the spectrum of accelerated 
particles at the shock (thick green line), at different radii in the 
downstream region (dotted curves where the red one is the closest to 
R sh while the blue one approaches R fs ) and the associated spectrum of 
the escaping flux (purple dashed line). The spectrum of accelerated 
particles at the wind termination shock, as suggested by equation ( 3 ) 
and as naturally predicted by DSA in a finite system, is a power-law of 
index s with maximum energy E max ≃ 1 EeV and does not show any 
rele v ant additional spectral feature. On the other hand, the particle 
spectrum gradually steepens in the downstream region moving from 
the wind shock to the forward shock as a result of escape and p γ
energy losses. In the downstream region, energy losses play a crucial 
role in shaping the spectrum of particles escaping the system. In 
particular, the photomeson interactions on the big blue bump occur 
faster than escape at ∼10 17 eV as one can also deduce from Fig. 2 . 
This results in a dip in the spectrum at such energy, whereas at higher 
energies the escape is more efficient so that the spectrum hardens at 
the highest energies. 

A comment on the maximum energy is in order: the exponential 
function regulating the cut-off, # cut , accounts for the geometry of the 
system and loss mechanisms, so that it cannot be simplified as a ratio 
E / E max . Therefore, here we define E max as the energy where p s f sh 
is suppressed by one e -fold. In what follows we describe in detail 
the impact of different realizations of the system to the maximum 
energy. 
3.1 Impact of parameters on the maximum energy 
A qualitative estimate of the maximum energy set by the geometry 
of the system can be obtained by comparing the upstream diffusion 
length, D 1 / u 1 , with the size of such region, R sh (see also Morlino 
et al. 2021 ; Peretti et al. 2022 , for additional discussion). Since at 
the highest energies r L is already larger than l c one can write the 
maximum energy as follows: 
E max = q B √ 

6 
c 
[

ϵB Ṁ l c 
R sh 

]1 / 2 
u 1 

≃ 1 . 4 EeV ( ϵB 
0 . 05 Ṁ 

10 −1 M ⊙ yr −1 l c 
10 −2 pc 1 pc 

R sh 
)1 / 2 

u 1 
0 . 2 c . (4) 

As one can see from equation ( 4 ), the maximum energy for DSA 
at the wind shock of UFOs turns out to be of the order of EeV for 
standard values of parameters. 

Table 2 highlights the impact of different parametric assumptions 
on the maximum energy. In particular, we see that, according to 
equation ( 4 ), E max scales roughly linearly with u 1 and with the square 
root of Ṁ and ϵB . The impact of l c on E max can be understood as 
follows: when l c ≫ 10 −2 pc, the diffusion coefficient is much larger 
than the benchmark scenario so that the diffusion length reaches 
the size of the system at lower energies; when l c ≪ 10 −2 pc the 
energy at which the diffusion coefficient changes regime (from 
the standard quasi-linear theory ∼E 2 − δ to the small pitch-angle 
scattering regime ∼E 2 ) shifts to lower energies thereby resulting 
in a larger value of D at the highest energies. Therefore, since 
at the highest energies, diffusion dominates, a local maximum in 
E max appears for l c ≃ 10 −2 pc . Different assumptions on the slope of 
the turbulence cascade (Kolmogorov-like) have a negligible impact 
on E max because at the highest energies, where r L > l c , diffusion 
proceeds in a different regime. 
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ACCELERATION AT ACCRETION SHOCKS IN LSS
 Large scale structures, such as clusters and superclusters of 
galaxies, are firmed through two processes: mergers of smaller 
structures and accretion of gas over cosmological scales 
(Bertschinger 1985) 

 The mergers typically lead to weak shocks inside the structures, 
as it must be, because each structure is virialized to its own 
thermal velocity, which is of the same order of magnitude as the 
free fall velocity…  

 Hence the Mach number of the merger shocks formed in two 
equal size structure is of order unity, while the Mach number of 
the merger between a small and a large cluster can be higher.  

 The accretion of gas onto a LSS develops a strong shock in the 
outskirts of the cluster  

 The shocks developing in the LSS filaments are tightly related to 
this accretion phenomenon

F. VAZZA, D. WITTOR AND J. WEST, 2023
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ABSTRACT
It is demonstrated that clusters of galaxies are able to keep cosmic rays for a time exceeding the age of

the universe. This phenomenon reveals itself by the production of the di†use Ñux of high-energy gamma
and neutrino radiation due to the interaction of the cosmic rays with the intracluster gas. The produced
Ñux is determined by the cosmological density of baryons, if a large part of this density is provided)

b
,

by the intracluster gas. The signal from relic cosmic rays has to be compared with the Ñux produced by
the late sources, which can be considered as a background in the search for cosmic-ray production in the
past. We calculate this Ñux considering the normal galaxies and active galactic nuclei (AGNs) in the
clusters as the sources of cosmic rays. Another potential cosmic-ray source is the shock in the gas accret-
ing to a cluster. We found that this background is relatively high : the di†use Ñuxes produced by relic
cosmic rays are of the same order of magnitude that can be expected from AGNs in the clusters. In all
cases the predicted di†use gamma-ray Ñux is smaller than the observed one, and the di†use neutrino Ñux
can be seen as the small bump at E D 106 GeV over the atmospheric neutrino Ñux. A bright phase in
the galaxy evolution can be a source of the relic cosmic rays in clusters, revealing itself by di†use gamma
and neutrino radiation. We found that the observation of a signal from the bright phase is better for an
individual cluster.
Subject heading : cosmic rays È di†use radiation È galaxies : clusters : general È intergalactic medium

1. INTRODUCTION

The observations of X-ray radiation from the clusters of
galaxies evidence that a large fraction of the cosmological
baryonic density, is given by the intracluster gas (o

b
cos White

& Frenk et al. & Fabian1991 ; White 1993 ; White 1995).
More speciÐcally, the cosmological density provided by the
mass of the intracluster gas, is close to that derived from)

b
cl

nucleosynthesis If one Ðnds from the references)
b
ns. )0\ 1,

above h3@2B 0.05, to be compared with the nucleo-)
b
cl

synthesis value h2 π 0.024 Schramm, &0.009 π )
b
ns (Copi,

Turner 1995).
This observation was recently used by Dar and Shaviv

(Dar & Shaviv for calculating high-energy1995, 1996)
gamma and neutrino radiation from clusters of galaxies (see
references given in those papers for the earlier works). In
contrast to their calculations, where some ad hoc assump-
tions were made (most notably one about the universality of
cosmic-ray Ñux in the galaxies and clusters), we shall use
here a standard picture of production and propagation of
cosmic rays (CRs). This approach results in a lower Ñux and
a di†erent spectral index of radiation at high energy as
compared with the calculations by Dar and Shaviv. Our
conclusion about this low Ñux is valid for all present-day
sources of cosmic rays considered in the literature, namely,
normal galaxies and active galactic nuclei (AGNs) in
cluster, intracluster, and accretion shocks.

However, as we shall show here, the clusters of galaxies
are able to keep the accelerated particles for cosmologically
long times, and thus the production of gamma and neutrino
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2 Dipartimento di Fisica, Università degli Studi di LÏAquila, via Vetoio,
Coppito (LÏAquila) 67100, Italy.

3 Institute of Terrestrial Magnetism, Ionosphere, and Propagation of
Radiowaves, Troitsk, Moscow 142092, Russia.

radiation at present epochs can be due to particles acceler-
ated in the past. The e†ective conÐnement of cosmic rays in
the clusters was recently recognized by Aharonian, &Vo� lk,
Breitschwerdt They considered the cosmic rays in(1996).
the clusters from the starburst galaxies in the past and TeV
gamma radiation produced at present.

A powerful source of CR production can be the bright
phase in the evolution of galaxies. The idea of bright phase
was Ðrst put forward by & Peebles and wasPartridge (1967)
further developed in many works (see, e.g., Schwartz,
Ostriker, & Yahil & Cowie1975 ; Ostriker 1981 ; Thompson

& Chrnomordik The bright phase is1989 ; Ozernoy 1976).
basically connected with the fast evolution of the massive
stars & Novikov This(Zeldovich 1971 ; Tinsley 1980).
process should result in explosions and shocks in young
galaxies and clusters, and thus in acceleration of CRs. One
particular mechanism, convenient for calculations, is super-
nova explosions. This was studied by et al.Schwartz (1975),

& Cowie and, most recently, in connectionOstriker (1981),
with cluster of galaxies, by et al.Vo� lk (1996).

Clusters of galaxies are suitable for observations of the
bright phase in case it occurs late, at redshifts z D 1È2 when
the clusters were formed. These observations can include a
search for young galaxies due to blue-enhanced radiation
and in particular due to gamma and neutrino radiation
produced by CRs in clusters.

The plan of our paper is the following. In we discuss° 2
the propagation of cosmic rays and their maximum energy.
In the confusing problem of the spectrum of produced° 3
radiation will be considered. The calculations of di†use
Ñuxes of gamma and neutrino radiation due to normal gal-
axies are presented in In we discuss the other sources° 4. ° 5
of cosmic rays in a cluster, namely, accretion shocks and
AGNs. Finally, in we shall consider the bright phase of° 6
galaxy evolution relevant to radiation from clusters. We
conclude this Introduction by a short summary of the
properties of galaxy clusters relevant for our calculations.
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The diffusive confinement of CRs in clusters of galaxies has numerous implications that are still being checked with 
gamma and neutrino telescopes. The processes of particle acceleration in clusters are thought to be potentially related 
to UHECR. The magnetic fields in the accretion filaments are believed to affect the transport of UHECRs 23



Clusters as storage rooms of CR: mergers

 Particle acceleration in clusters can 
take place during merger shocks 

 …at accretion shocks  

 … or inside one of the hundred of 
astrophysical objects (galaxies, AGN, 
…) that are hosted by the cluster 

 The spectra are different in these 
cases

1991). The sound speed of the cluster i is given by

c2s; i ¼ !gð!g # 1Þ GMi

2rvir; i
;

where we used the virial theorem to relate the gas tempera-
ture to the mass and virial radius of the cluster. The adia-
batic index of the gas is !g ¼ 5=3. TheMach number of each
cluster while moving in the volume of the other cluster can
be written as follows:

M2
1 ¼

4ð1þ "Þ
!ð! # 1Þ

"
1

1þ 1þ zf ; 1
! "

= 1þ zf ; 2
! "# $

"1=3

# 1

4 1þ zf ; 1
! "

= 1þ zf
! "# $

ð1þ "Þ1=3

#

;

M2
2 ¼ "#2=3 1þ zf ; 1

1þ zf ; 2
M2

1 ; ð6Þ

where " ¼ M2=M1 < 1. The procedure illustrated above
can be applied to a generic couple of merging clusters, and
in particular, it can be applied to a generic merger event in
the history of a cluster with fixed mass at the present time.
The merger history (and indeed many realizations of the his-
tory) for a cluster can be simulated as discussed in the pre-
vious section. In particular, for a cluster with massM0 at the
present time, we simulate 500 realizations of the merger tree
and calculate the Mach numbers associated with the merger
events. A value Dm ¼ 0:05 is assumed. Note that this value
is much lower than in Fujita & Sarazin (2001). This simply
implies that we follow the histories of very small halos of
dark matter rather than the big ones only. The results of our
calculations of theMach numbers are plotted in Figure 2.

The striking feature of this plot is that for major mergers
involving clusters with comparable masses (" & 1), the

Mach numbers of the shocks are of order of unity. In other
words, the shocks are only moderately supersonic. In order
to achieveMach numbers of order of 3–4, one must consider
mergers between clusters with very different masses
(" & 0:05), which in the language of Salvador-Solé et al.
(1998) and Fujita & Sarazin (2001) would not be considered
mergers but rather continuous accretion. These events are
the only ones that produce strong shocks, and this is of cru-
cial importance for the acceleration of suprathermal par-
ticles, as discussed below.

In Figure 3 we plotted a histogram of the frequency of
shocks with given Mach number. It is easy to see that the
greatest part of the merger shocks are weak, with a peak in
Mach number at about 1.4. This result is in some contradic-
tion to the Mach number distribution found by Miniati et
al. (2000), which is a bimodal distribution with one peak at
Mach numbers of &1000 and one at Mach numbers of &5.
While the former peak cannot be obtained within our
approach, because it is caused by shocks in the cold out-
skirts of clusters, not directly related to merger events, the
latter shocks should be the same as those described in our
paper. In fact, they are located, according to Miniati et al.
(2000), within 0.5 h#1 Mpc of the cluster center, namely, in
the virialized region, so that the arguments presented here
do apply. It is worth noticing in passing that the simulations
ofMiniati et al. (2000) have an intrinsic cutoff atMach num-
bers smaller than

ffiffiffi
3

p
, so that the peak we find at 1.5 is out of

the available range. It is also worth noticing that the spatial
resolution achieved in these simulations is 0.315 h#1 Mpc,
very close to the size of the region (0.5 h#1 Mpc) where the
shocks need to be identified.

On the other hand, the simple method introduced in our
paper in order to evaluate the Mach number of merger-
related shocks suffers from the limitation of being applicable
only to binary mergers. The cases in which a cluster is merg-
ing with another cluster in a deeper gravitational potential
well generated by a collection of nearby structures cannot
be treated in the context of this method. The occurrence of

Fig. 2.—Distribution of the Mach numbers of merger-related shocks as
a function of the mass ratio of the merging subclusters. The upper strip is
the distribution of Mach numbers in the smaller cluster, while the lower
strip refers to the bigger cluster.
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where % is the present mean density of the universe, !c(t) is
the critical density contrast linearly extrapolated to the
present time for a region that collapses at time t, and "(M)
is the current rms density fluctuation smoothed over the
mass scale M. For "(M), we use an approximate formula
proposed by Kitayama (1997), normalized by assuming a
bias parameter b ¼ 0:9. We adopt the expression of !c(t)
given by Nakamura & Suto (1997). In this respect our
approach is similar to that adopted by Fujita & Sarazin
(2001).

Salvador-Solé, Solanes, & Manrique (1998) modified the
model illustrated above by introducing a new parameter,
Dm ¼ rcrit ¼ ½ðM 0 $MÞ=M&crit, defined as a peculiar value of
the captured mass that separates the accretion events from
merger events. Events in which a cluster of massM captures a
dark matter halo with mass smaller than DmM are considered
as continuous mass accretion, while events in which the col-
lected mass is larger than DmM are defined as mergers. The
value of DmM is somewhat arbitrary, but its physical meaning
can be grasped in terms of modification of the potential well of
a cluster, following a merger. A major merger is expected to
appreciably change the dark matter distribution in the result-
ing cluster, while only small perturbations are expected in
small mergers, which are then interpreted as events more simi-
lar to accretion than to real mergers.

Adopting this effective description of the merger and
accretion events, it is easy to use the LC formalism to con-
struct simulated merger trees for a cluster with fixed mass at
the present time. Although useful from a computational
point of view, this strategy of establishing a boundary
between mergers and accretion events does not correspond
to any real physical difference between the two types of
events; therefore, in the following we will adopt the name
‘‘merger ’’ for both regimes, provided that there is no ambi-
guity or risk of confusion.

In Figure 1 we plotted a possible realization of the merger
tree for a cluster with present mass equal to 1015 M' and

Dm ¼ 0:6. The history has been followed back in time up to
redshift z ¼ 3. The big jumps in the cluster mass correspond
to merger events, while smaller jumps correspond to what
Salvador-Solé et al. (1998) defined as accretion events.

3. SHOCKS DURING CLUSTER MERGERS

During the merger of two clusters of galaxies, the bar-
yonic component, feeling the gravitational potential created
mainly by the dark matter component, is forced to move
supersonically, and shock waves are generated in the intra-
cluster medium.

In this section we describe in more detail the physical
properties of such shocks, with special attention paid to
their Mach numbers and compression factors. To this
purpose, we use an approach introduced in its original
version by Takizawa (1999). We assume to have two
clusters, as completely virialized structures, at tempera-
tures T1 and T2 and with masses M1 and M2, respectively
(here the masses are the total masses, dominated by the
dark matter components). The virial radius of each clus-
ter can be written as follows:

rvir; i ¼
3Mi

4#Dc!m$crð1þ zf ; iÞ3

" #1=3

¼ GMi

100!mH2
0 ð1þ zf ; iÞ3

" #1=3

; ð3Þ

where i ¼ 1, 2, $cr ¼ 1:88) 10$29 h2 g cm$3 is the current
value of the critical density of the universe, zf, i is the red-
shift of formation of the cluster i, Dc ¼ 200 is the density
contrast for the formation of the cluster, and !m is the
matter density fraction. In the right-hand side of the
equation we used the fact that $cr ¼ 3H2

0=8#G, where H0
is the Hubble constant. The formation redshift zf is on
average a decreasing function of the mass, meaning that
smaller clusters are formed at larger redshifts, consis-
tently with the hierarchical scenario of structure forma-
tion. There are intrinsic fluctuations in the value of zf
from cluster to cluster at fixed mass because of the sto-
chastic nature of the merger tree.

The relative velocity of the two merging clusters VR can
be easily calculated from energy conservation:

$ GM1M2

rvir; 1 þ rvir; 2
þ 1

2
MrV

2
r ¼ $GM1M2

2R12
; ð4Þ

whereMr ¼ M1M2=ðM1 þM2Þ is the reduced mass andR12
is the turnaround radius of the system, where the two sub-
clusters are supposed to have zero relative velocity. In fact,
the final value of the relative velocity at the merger is quite
insensitive to the exact initial condition of the two sub-
clusters. In an Einstein–De Sitter cosmology this spatial
scale equals twice the virial radius of the system. Therefore,
using equation (3), we get

R12 ¼ 2
M1 þM2

M1

! "1=3 1þ zf ; 1
1þ zf

rvir; 1 : ð5Þ

where zf is the formation redshift of the cluster with mass
M1 þM2. This expression also remains valid in an approxi-
mate way for other cosmological models (Lahav et al.

Fig. 1.—Merger history of a cluster with a present mass of 1015 M'.
The mass (y-axis) suffers major jumps in big merger events. Time is on the
x-axis.
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Accretion

 Accretion occurs in the outskirts of the cluster —> shocks 
with M>10 where the IGM is processed and heated up to 108 
K 

 For massive clusters there are the conditions for streaming 
instability to be induced 

 Particle acceleration to EeV possible 

 Careful: we are sitting in the upstream (hard spectrum at 
Earth)
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Summary

 Giant change in paradigm from the times of AGASA and HiRes 

 A change provided by reliable observation of the mass and spectrum…  

 Plenty of classes of sources are able to reach EeV energies  

 The source spectrum required by observations is weird (effects in the source or en route) but 
not absurd (reacceleration, turbulent acceleration, reconnection, upstream of a cluster shock) 

 The picture that arises for the origin of UHECR and the transition from the Galactic 
component is complicated, not a simple, elegant picture as one would expect from a well 
behaved mother Nature (disappointing model) 
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