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FUNDAMENTAL PHYSICS OF PARTICLE ACCELERATION  

Particle acceleration at shocks and non-linear effects  

Plasma instabilities in the shock region and Emax 

Particle acceleration in MHD turbulence 

PHENOMENOLOGY OF PARTICLE ACCELERATION 

Cosmic ray acceleration at supernova remnant shocks and their escape 

CR acceleration at the termination shock of stellar clusters 

Acceleration of pairs at termination shocks of pulsar wind nebulae 

OUR TOPICS OF INTEREST



PLASMA PHYSICS OF COSMIC RAY ESCAPE FROM SOURCES 

Non-linear effects of CR around their sources 

Escape of electron-positron pairs from PWNe and their effects  

TeV-halos as an implication of these phenomena 

COSMIC RAY TRANSPORT IN THE GALAXY 

Phenomenology of CR transport and connection with observations (B/C,Be,Nuclei, gamma…) 

Phenomenology of e± transport in the Galaxy and positron excess 

 Alternative models of positron excess (acceleration of secondary pairs and nuclei in sources) 

CR driven winds and effects on global properties and observables 

OUR TOPICS OF INTEREST



COSMIC RAY ESCAPE FROM GALAXIES  

Self-trapping of CR around Galaxies of different luminosities 

Connection with HE gamma and neutrino emission 

Implications for the global magnetisation of the Universe 

Implications for protogalaxies at high redshift 

ULTRA-HIGH ENERGY COSMIC RAYS 

Global theory of UHECR propagation  

Models of UHECR based on pulsars  

 Top-Down Models of UHECRs and implications of these new physics based models

OUR TOPICS OF INTEREST



STARBURST GALAXIES  

CR transport in the cores and winds of SBG 

CR acceleration at the TS of SBG winds - HE gamma and neutrino emission and 
UHECR 

CR acceleration to UHE in UFO (UltraFast Outflows) around black holes

OUR TOPICS OF INTEREST



NON THERMAL PARTICLES AND COSMIC RAYS

NON THERMAL PARTICLES ARE  
UBIQUITOUS IN THE UNIVERSE

T H E S E P H E N O M E N A R E Q U I R E 
ACCELERATION MECHANISMS TO BE AT 
WORK… 

…AND TRANSPORT MECHANISMS THAT TAKE 
PARTICLES FROM A TO B 

SOMETIMES THE NON-THERMAL PARTICLES 
PRODUCED IN THESE SOURCES MAKE THEIR 
WAY TO THE EARTH— AT THAT POINT WE 
CALL THEM COSMIC RAYS 

FOR ALL THESE PROBLEMS, THE CRUCIAL 
I S S U E I S ST I L L T H E T R A N S P O RT O F 
CHARGED PARTICLES IN SPACE AND ENERGY
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COSMIC RAY TRANSPORT IN THE GALAXY - See talk by Benedikt Schroer 

ROLE OF TURBULENCE FOR PARTICLE TRANSPORT - See talk by Ottavio Fornieri 

HYBRID PIC SIMULATIONS OF CR AROUND SOURCES - See talk by Benedikt Schroer  

DIFFUSE GAMMA RAY EMISSION IN THE GALAXY - See talk by Vittoria Vecchiotti 
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FUNDAMENTAL PHYSICS OF 
PARTICLE ACCELERATION AT 

SHOCKS



PARTICLES ACCELERATED AT A NEWTONIAN SHOCK CAN TAKE AWAY TENS OF PERCENT OF 
THE RAM PRESSURE - they are not test particles 

THE PLASMA INSTABILITIES THEY EXCITE ARE ABLE TO AMPLIFY SMALL PERTURBATIONS AND 
LEAD TO SUBSTANTIAL MAGNETIC FIELD AMPLIFICATION - in the absence of this effect the 
maximum energy would have no practical interest 

THE PARTICLES LEAVING THE SYSTEM ACT AS A BOOTSTRAPPING AGENT - you need escape of 
some to trap all others 

THE FLUCTUATIONS EVENTUALLY BECOME LARGE ENOUGH TO AFFECT THE SPECTRUM OF 
ACCELERATED PARTICLES - it becomes steeper thereby solving one of the biggest mysteries 
behind DSA

AN INTRINSICALLY NON LINEAR PHENOMENON



NON LINEAR DSA

Amplified waves advected downstream of the 
shock lead to higher Alfven speed- hence smaller 
return probability from downstream 

This phenomenon leads to a steeper spectrum of 
accelerated particles, in general dependent upon 
the shock velocity 

Very steep spectrum for very fast shocks — milder 
steepening for historical SNR, as required by 
observations

5.1. Dependence on Mach Number

Figure 5 shows the postshock spectrum for shocks of
different Mach numbers M=10, 20, 40, 80, for the same
simulations discussed in Paper I. Also, in this case we show
both the standard (flatter, color) and revised (steeper, black)
predictions, and it is clear that the latter (Equation (5)) is
consistent with the simulations. Details about the these
simulations and the measured values to predict both slopes
are presented in Table 1.

The theory for the hydrodynamic modifications discussed in
Paper I as well as the theory for the spectrum of the accelerated
particles presented here both rely on assumptions about the
nature of the self-generated magnetic turbulence. Arguably the
most crucial of these assumptions is that the CRs drift away
from the shock at the local Alfvén speed; an assumption which
is inspired by, but also validated with, self-consistent
simulations. This is especially relevant for very strong shocks,
where the instability that drives magnetic field amplification
should be in the Bell regime ( 2M 30), for which the intuition
based on the quasi-linear theory may stumble. Exploring even
stronger shocks ( 2M 100) with hybrid techniques is compu-
tationally prohibitive; however, it is reasonable that any poorly
magnetized shock, such that the upstream magnetic field
amplification is driven by the Weibel instability, which is able
to inject protons, may quickly (on few growth times, typically
corresponding to – 8�10 100 ci

1) transition to a shock with
Alfvénic Mach numbers comparable to those studied in
this work.

On the other hand, we stress that all of the effects of the
postcursor should vanish in cases where magnetic field
amplification is not prominent (E 1B B 10 ), such as very
oblique shocks that do not spontaneously inject particles into
DSA or at weak shocks with small Alfvénic Mach number
(Caprioli & Spitkovsky 2014a, 2014b), regimes which we will
cover in a future work. However, in the presence of energetic
seed particles, which may be injected even at oblique shocks
(Caprioli et al. 2018), a postcursor may still be generated,
provided that re-accelerated particles can drive sufficiently
strong magnetic turbulence.

6. Phenomenological Implications

The main implication of these findings is that CR-modified
shocks naturally lead to CR spectra steeper than the standard
NLDSA prediction, and generally steeper than �p 4, which
should account for the phenomenology of γ-ray bright SNRs,
radio SNe, and even of Galactic CRs, as discussed in Section 1.

Given that CR modifications produce spectra steeper than
�E 2, it is unlikely that concave spectra would develop as

predicted by the classical NLDSA theory. In fact, if most of the

energy in the CR distribution is in transrelativistic particles, the
extent of the precursor is ultimately set by∼GeV protons, and
all of the relativistic particles must experience the same
precursor/postcursor and thus undergo DSA “feeling” the same
total compression ratio, Rtot. There is still room for a further
steepening at nonrelativistic energies (provided that 1q 5,
otherwise the precursor would be set by particles with pinj),
which may have a radiative signature in the synchrotron
emission in radio SNe, where strong magnetic fields, 11 G,
may reveal emission from sub-GeV electrons.
While a detailed modeling of the different environments is

left to forthcoming publications, it is worth pointing out a
general feature of the steepening induced by the presence of the
postcursor. Since the CR spectral slope eventually depends
on Rtot and α (Equation (5)), a multiwavelength study of an
astrophysical object can constrain shock speed and postshock
magnetic field via the modified jump conditions outlined in
Paper I, and vice versa. For instance, in SNRs, the postshock
magnetic field can be constrained via synchrotron emission
(thickness of X-ray rims, radio/X-ray flux; see, e.g., the review
Caprioli 2015, and references therein), while the density and
shock speed can be estimated via high-resolution X-ray
observations (e.g., Warren et al. 2005; Cassam-Chenaï et al.
2008; Miceli et al. 2012); the slope of the synchrotron spectrum
should then be consistent with the presented theory, which
offers a redundant way of testing our prescription using
multiwavelength observations.
It is useful to write α, the parameter that controls the shock

modification and the spectral steepening, as

( )B Y� R2 , 14B tot

so that it becomes manifest that –�B 0.5 1 for typical values
of –Y _ 2% 5%B and –_R 7;tot sometimes, the normalized
postshock magnetic energy density F Y� 2B B is used, and
typical values are in fact –F _ 5% 10%B (e.g., Chevalier &
Fransson 2006; Sarbadhicary et al. 2017; Crumley et al. 2019;
Margutti et al. 2019). In terms of shock and ambient
parameters, instead, we have:
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Different analyses of Tycho’s SNR broadband emission
(e.g., Morlino & Caprioli 2012; Slane et al. 2014) converge on
showing that the radio to γ-ray spectrum can be fitted with a
shock speed of _v 5000sh km s−1, a preshock number density
of Sx _n m 0.3p0 0 cm−3, and a postshock magnetic field of

N_B 300 G2 , from which one would infer B x 0.55 and in

Figure 5. Postshock particle spectra for different Mach number simulations
(see Table 1), at x 8�t 370 ci

1. The standard DSA prediction along with the
modified prediction presented in this paper are shown as the dashed colored
and black lines, respectively.

Table 1
Physical Parameter for Runs with Different Mach Numbers

M Yc YB Rtot ˜ �q qDSA

10 0.072 0.035 4.54 0.75
20 0.099 0.028 4.54 0.63
40 0.102 0.033 4.61 0.82
80 0.100 0.018 4.37 0.78

Note. From left to right: Mach number (M), normalized CR pressure (Yc),
normalized magnetic pressure (YB), total compression ratio (Rtot), and
difference between the revised and the standard DSA momentum slope
( ˜ �q qDSA). The revised (standard) slopes are shown in Figure 5 as dashed
black (color) lines.
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gains broadens and deviates from the Fermi prediction; this is
another independent measurement of the minimum momentum
needed for particles to be injected into DSA.

In summary, steeper spectra do not arise because of a
reduced energy gain in their Fermi cycles (e.g., Zirakashvili &
Ptuskin 2008; Caprioli 2012), or because of the energy that
CRs channel into magnetic field amplification (Bell et al.
2019), but rather because of an enhanced escape rate in the
postcursor, which makes ( larger than the standard value by a
factor of 1+ α.

5. Downstream Evolution

In the standard theory of NLDSA, the downstream is usually
assumed to be homogeneous, a hypothesis that may be violated
if the velocity of the scattering centers varied behind the shock.
In general, this would lead to both a fluid speed profile and
spatially varying CR distribution.

To quantify this effect, we consider the 1D, stationary
transport equation for the isotropic part of the CR distribution
function, ( )f x p, (Skilling 1975),
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where the CR advection speed ˜ � �u u vw should tend to the
fluid speed u2 beyond some distance L in the downstream.
Physically speaking, L may correspond to the length scale over
which the self-generated magnetic turbulence is damped, for
instance, via nonlinear Landau damping (Lee & Völk 1973;
Völk & McKenzie 1981) or other phenomena typical of high-β
plasmas (Squire et al. 2017; Kunz et al. 2020). In fact, if in the
precursor there is quasi-equipartition between magnetic fields
and thermal energy (Section 3 of Paper I), for strong shocks the
thermal pressure jump (∝M2) is larger than the magnetic one
(rRsub

2 ), returning a large C x M 162 . We stress that it is
necessary for the self-generated magnetic field to “unwind” at
some point behind the shock, since conservation laws enforce
the asymptotic configuration far downstream to match the one
far upstream, at least for Bx. Nevertheless, the spatial extent of
the postshock region with enhanced fields is easily much larger
than the CR diffusion scales (e.g., Morlino et al. 2010; Morlino
& Caprioli 2012; Ressler et al. 2014).

The slope of the CR distribution function is simply

( )� �
s
s

q
p
f

f
p

, 9

and Equation (8) can be solved with standard techniques, i.e.,
by integrating across the shock as well as from the shock to
upstream infinity, where lf 0 (e.g., Blasi 2002; Amato &
Blasi 2006; Caprioli et al. 2010). For instance, neglecting the
precursor, in the limit lD 0 (pure advection), behind the
shock one gets

˜
˜
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which describes adiabatic compression and reduces to lf
constant if ˜ ldu dx 0: as the CR drift velocity approaches
zero, the CR population increases its density without any
spectral change.

Restoring diffusion, with the simplifying assumption that uw
decreases linearly over the postcursor on a length scale L, i.e.,
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Since M � 0, the vanishing of the CR drift over the postcursor
induces a hardening of the spectrum; however, for all the
momenta for which the CR diffusion length ( ) �D p u L2 and

( ) �M p 1 the effect is negligible. Again, such a hardening
comes from the differential adiabatic compression of CRs with
different momentum, with larger-p particles experiencing more
compression. For the hardening to be global, L should be
smaller than the region where diffusion is enhanced by the self-
generated magnetic field, at odds with the very nature of the
postcursor.
Even if the effect on the spectrum is negligible, it is easy

to estimate (always in the limit ˜�L D u) the adiabatic
compression of CR s in the postcursor as

( )
( )�

B
%

�
f

f
q

3 1
, 13

i.e., the CR distribution function should increase of ( )' 1 for
xq 4 and B x 0.5. Figure 4 shows the average CR density

profile as a function of time (color-coded) for our benchmark
run; three features can be noticed: (1) an upstream exponential
profile, which corresponds to the classical CR precursor; (2) an
overshoot at the shock, where the density exceeds the
asymptotic one, Rtot, which has a quasi-periodic nature, as
discussed in Paper I; (3) a quite gradual rise in the downstream,
on the postcursor extent, which is the result of the effect just
discussed. It is important to stress that the spectrum at the
shock is only affected by what happens within one diffusion
length ( )D p u2 downstream, while such an extra compression
occurs at the end of the postcursor; this must be reckoned with
when investigating the origin of either synchrotron emission,
which should track the magnetized postcursor region, or
hadronic and bremsstrahlung emissions, which track plasma
and CR density.

Figure 4. Time evolution of the CR density profile. Colored band corresponds
to a range between 66.7% and 100% of the average far downstream density,
color-coded for time. Note the upstream precursor, an overshoot at the shock,
and a gradual compression in the postcursor (see Section 5 for details).
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5.1. Dependence on Mach Number

Figure 5 shows the postshock spectrum for shocks of
different Mach numbers M=10, 20, 40, 80, for the same
simulations discussed in Paper I. Also, in this case we show
both the standard (flatter, color) and revised (steeper, black)
predictions, and it is clear that the latter (Equation (5)) is
consistent with the simulations. Details about the these
simulations and the measured values to predict both slopes
are presented in Table 1.

The theory for the hydrodynamic modifications discussed in
Paper I as well as the theory for the spectrum of the accelerated
particles presented here both rely on assumptions about the
nature of the self-generated magnetic turbulence. Arguably the
most crucial of these assumptions is that the CRs drift away
from the shock at the local Alfvén speed; an assumption which
is inspired by, but also validated with, self-consistent
simulations. This is especially relevant for very strong shocks,
where the instability that drives magnetic field amplification
should be in the Bell regime ( 2M 30), for which the intuition
based on the quasi-linear theory may stumble. Exploring even
stronger shocks ( 2M 100) with hybrid techniques is compu-
tationally prohibitive; however, it is reasonable that any poorly
magnetized shock, such that the upstream magnetic field
amplification is driven by the Weibel instability, which is able
to inject protons, may quickly (on few growth times, typically
corresponding to – 8�10 100 ci

1) transition to a shock with
Alfvénic Mach numbers comparable to those studied in
this work.

On the other hand, we stress that all of the effects of the
postcursor should vanish in cases where magnetic field
amplification is not prominent (E 1B B 10 ), such as very
oblique shocks that do not spontaneously inject particles into
DSA or at weak shocks with small Alfvénic Mach number
(Caprioli & Spitkovsky 2014a, 2014b), regimes which we will
cover in a future work. However, in the presence of energetic
seed particles, which may be injected even at oblique shocks
(Caprioli et al. 2018), a postcursor may still be generated,
provided that re-accelerated particles can drive sufficiently
strong magnetic turbulence.

6. Phenomenological Implications

The main implication of these findings is that CR-modified
shocks naturally lead to CR spectra steeper than the standard
NLDSA prediction, and generally steeper than �p 4, which
should account for the phenomenology of γ-ray bright SNRs,
radio SNe, and even of Galactic CRs, as discussed in Section 1.

Given that CR modifications produce spectra steeper than
�E 2, it is unlikely that concave spectra would develop as

predicted by the classical NLDSA theory. In fact, if most of the

energy in the CR distribution is in transrelativistic particles, the
extent of the precursor is ultimately set by∼GeV protons, and
all of the relativistic particles must experience the same
precursor/postcursor and thus undergo DSA “feeling” the same
total compression ratio, Rtot. There is still room for a further
steepening at nonrelativistic energies (provided that 1q 5,
otherwise the precursor would be set by particles with pinj),
which may have a radiative signature in the synchrotron
emission in radio SNe, where strong magnetic fields, 11 G,
may reveal emission from sub-GeV electrons.
While a detailed modeling of the different environments is

left to forthcoming publications, it is worth pointing out a
general feature of the steepening induced by the presence of the
postcursor. Since the CR spectral slope eventually depends
on Rtot and α (Equation (5)), a multiwavelength study of an
astrophysical object can constrain shock speed and postshock
magnetic field via the modified jump conditions outlined in
Paper I, and vice versa. For instance, in SNRs, the postshock
magnetic field can be constrained via synchrotron emission
(thickness of X-ray rims, radio/X-ray flux; see, e.g., the review
Caprioli 2015, and references therein), while the density and
shock speed can be estimated via high-resolution X-ray
observations (e.g., Warren et al. 2005; Cassam-Chenaï et al.
2008; Miceli et al. 2012); the slope of the synchrotron spectrum
should then be consistent with the presented theory, which
offers a redundant way of testing our prescription using
multiwavelength observations.
It is useful to write α, the parameter that controls the shock

modification and the spectral steepening, as

( )B Y� R2 , 14B tot

so that it becomes manifest that –�B 0.5 1 for typical values
of –Y _ 2% 5%B and –_R 7;tot sometimes, the normalized
postshock magnetic energy density F Y� 2B B is used, and
typical values are in fact –F _ 5% 10%B (e.g., Chevalier &
Fransson 2006; Sarbadhicary et al. 2017; Crumley et al. 2019;
Margutti et al. 2019). In terms of shock and ambient
parameters, instead, we have:
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Different analyses of Tycho’s SNR broadband emission
(e.g., Morlino & Caprioli 2012; Slane et al. 2014) converge on
showing that the radio to γ-ray spectrum can be fitted with a
shock speed of _v 5000sh km s−1, a preshock number density
of Sx _n m 0.3p0 0 cm−3, and a postshock magnetic field of

N_B 300 G2 , from which one would infer B x 0.55 and in

Figure 5. Postshock particle spectra for different Mach number simulations
(see Table 1), at x 8�t 370 ci

1. The standard DSA prediction along with the
modified prediction presented in this paper are shown as the dashed colored
and black lines, respectively.

Table 1
Physical Parameter for Runs with Different Mach Numbers

M Yc YB Rtot ˜ �q qDSA

10 0.072 0.035 4.54 0.75
20 0.099 0.028 4.54 0.63
40 0.102 0.033 4.61 0.82
80 0.100 0.018 4.37 0.78

Note. From left to right: Mach number (M), normalized CR pressure (Yc),
normalized magnetic pressure (YB), total compression ratio (Rtot), and
difference between the revised and the standard DSA momentum slope
( ˜ �q qDSA). The revised (standard) slopes are shown in Figure 5 as dashed
black (color) lines.
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NON LINEAR DSA

The effect seems to be confirmed by the 
observed dependence of the downstream 
magnetic field (X-ray observations) on the 
shock speed 

Both the magnetic field and the steep 
spectrum agree for both historical SNR and 
so-called radio SNR

6 Cristofari et al.

agreement with our prediction (see Fig. 1 for shock ve-421

locity & 3 ⇥ 104 km/s and ⇠cr ⇠ 5%). These findings422

are consistent with those recently put forward by423

Diesing & Caprioli (2021a), who used a di↵erent424

prescription for the saturation of the magnetic425

field, which is similar to Case 2 but without ac-426

counting for the possible dependence on ↵. In427

general, we can see that varying the CR accel-428

eration e�ciency between a few and 15% does429

not have a large impact on the predicted spectral430

slope; for Tycho-like parameters, for instance, we431

find 4.1 . ↵ . 4.3, a variation of 5% only when432

changing ⇠cr by a factor of 5. We have also tried433

changing pinj between 2 and 10, and results do434

not change appreciably, with 4 . ↵ . 4.4 for Ty-435

cho. In this respect, it is worth noticing that:436

1) varying pinj between 2 and 10 corresponds to437

varying the fraction of injected CRs by several438

orders of magnitude, since we are moving on the439

exponential tail of the Maxwellian (e.g., Blasi440

et al. 2005); 2) in a kinetic approach pinj and ⇠cr441

are not independent, and an increase in the for-442

mer implies a decrease of the latter (e.g., Diesing443

& Caprioli 2021b); 3) PIC simulations suggest444

that the most likely values of pinj are in the range445

3-4 (Caprioli & Spitkovsky 2014a; Caprioli et al.446

2015; Park et al. 2015).447

3.2. Shock magnetization448

In Fig. 3 we show the level of magnetization of the449

downstream plasma for SNR shocks moving with dif-450

ferent velocities as reported by Vink (2012). The curves451

show the results of our calculations for the self-generated452

shock magnetization for di↵erent values of the CR ac-453

celeration e�ciency, as indicated in the legend. One454

can immediately see that the standard B2 / v3s scaling,455

typical of the saturation of the non-resonant instability456

(Bell 2004), is modified by the presence of the postcur-457

sor. In general, the data points seem to be better de-458

scribed when the postcursor physics is considered and459

the acceleration e�ciency is around 5-10%. For shock460

velocities . 2000 km/s the resonant instability becomes461

dominant (dash-dotted purple curve) and the magnetic462

field downstream becomes appreciably smaller, although463

the trend of B2 with the shock speed becomes milder.464

Also in this case data points are in good agree-465

ment with CR acceleration e�ciencies between466

3 and 15%, with the curves in Fig. 3 that tend467

to become asymptotically close for increasingly468

larger e�ciencies.469

3.3. CR maximum momentum470
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Figure 3. Downstream magnetization as a function of shock
velocity vsh. The black dot–dashed lines correspond to the
values of ↵ calculated for CR e�ciency ⇠CR between 1% and
15%. The green dashed line corresponds to the growth of
resonant modes (Amato & Blasi 2006), and the violet dot-
dashed line to the modified resonant case proposed in Capri-
oli (2011). Which line is which? Do we care about
Caprioli (2011)?.

For fast SNR shocks, the maximum energy can be471

estimated by requiring that the growth rate �max asso-472

ciated to wavelength kmax reaches saturation after a few473

(say, ⇡ 5) e-folds (Bell et al. 2013; Schure & Bell 2013;474

Cardillo et al. 2015; Cristofari et al. 2020):475

Z t

0
dt0�max(t

0) ⇡ 5 (9)476

This leads to a maximum momentum of protons that477

generally depends on ↵ and reads:478

⇣pmax

mc

⌘↵�3
=

3ersh
10mc2

p
4⇡⇢

c

⇠CRv2sh
(↵ � 3)I(↵)

, (10)479

where rsh is the SNR shock radius. In the case of a rem-480

nant from a typical thermonuclear SN explosion (type Ia481

SN), expanding in a uniform ISM, the temporal evolu-482

tion of the shock radius and velocity are well described483

by self–similar solutions (Chevalier 1982; Tang & Cheva-484

lier 2017). The corresponding estimated value of pmax485

is shown in Fig. 4.486

When the postcursor is neglected (see, for in-487

stance, Cristofari et al. 2020), pmax(t) generally488

decreases with time: the highest maximum en-489

ergy is reached at very early times, when how-490

ever the mass processed by the shock is small.491

The actual position of the high-energy cut-o↵492

in the overall CR spectrum released by a SNR493

is hence due to a trade o↵ between achieving a494

Cristofari, PB & Caprioli 2022 - in prep
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ACCELERATION IN THE WINDS OF 
STAR CLUSTERS 



THE BUBBLE OF STELLAR CLUSTERS2

maximum energy typically in the 10 � 100 TeV range (Cristofari
et al. 2020). The only possible exception to this conclusion applies
to powerful (& 5 ⇥ 1051 erg), rare (⇠ 1/104 years) core collapse
SNRs, with relatively small ejecta mass (few solar masses), for
which the maximum energy can indeed reach PeV energies. The
overall spectrum of CRs released in the ISM by each of the classes
of SN explosions mentioned above seems bumpy and unlike the
relatively smooth spectrum observed at the Earth. Although these
problems and di�culties might only suggest that our theoretical
approaches to the origin of CRs in SNRs are too simplistic, they
have also stimulated the search for alternative sources of CRs, with
special care for those that produce a spectrum extending to the knee
energy. In this context, stellar clusters (Reimer et al. 2006), OB
associations (Bykov & Toptygin 2001; Voelk & Forman 1982), and
supperbubbles (Bykov 2001; Parizot et al. 2004) have for instance
been proposed.

It has especially been speculated that the winds of massive stars
may be a suitable location for the acceleration of CRs (Cesarsky &
Montmerle 1983; Webb et al. 1985; Gupta et al. 2018; Bykov et al.
2020). Moreover, recently the gamma ray emission from the region
around a few compact star clusters has been measured, including
Westerlund 1 (Abramowski et al. 2012), Westerlund 2 (Yang et al.
2018), Cygnus cocoon (Ackermann & et al. 2011; Aharonian et al.
2019), NGC 3603 (Saha et al. 2020), BDS2003 (Albert et al. 2020),
W40 (Sun et al. 2020) and 30 Doradus in the LMC (H. E. S. S.
Collaboration et al. 2015). These observations have been used to
infer the spatial distribution of CRs and their energy budget, sup-
porting the scenario in which a sizable fraction of the wind kinetic
energy is converted to non thermal particles and, at the same time,
maximum energies > 100 TeV are reached. These findings would,
than, suggest that stellar clusters can substantially contribute to the
flux of Galactic CRs.

Further support to such a conclusion comes from the analysis
of the 22Ne/20Ne abundance in CRs, which is a factor ⇠ 5 larger
than for the solar wind (Binns et al. 2006). This result is not easy
to accommodate in the framework of particle acceleration at SNR
shocks alone (Prantzos 2012) while can be more easily accounted
for if CRs are at least partly accelerated out of material contained
in the winds of massive stars (Gupta et al. 2020).

Here we show that the termination shock formed as a result of
the interaction of the intense collective wind of the star cluster with
the ISM is a potentially interesting site for particle acceleration up
to ⇠PeV energies, for several reasons: first, particle escape from the
upstream region (in the direction of the star cluster itself) is forbid-
den because of the geometry of the problem; 2) if a relatively small
fraction (⇠ 10%) of the wind kinetic energy is dissipated to mag-
netic energy, particle di�usion around the shock can be reduced,
thereby shortening the acceleration time; 3) if the kinetic luminos-
ity of the star cluster is large enough (& 3 ⇥ 1038 erg/s) then the
maximum energy is indeed in the ⇠PeV range; 4) in rather common
situations around the termination shock, the spectrum of acceler-
ated particles may be somewhat steeper than ⇢�2, as required by
observations of CRs on Galactic scale (Evoli et al. 2019, 2020).

The article is organised as follows: in §2 we briefly describe
the structure of the environment around the star cluster and the
properties of the termination shock where particle acceleration is
expected to take place. In § 3 we discuss the di�usion properties of
particles inside the wind bubble while in § 4 we describe in detail the
solution of the DSA problem at the termination shock and we derive
an expression for the maximum energy of accelerated particles. In
§5 we summarise our findings and we comment on the possibility

Termination
shock

Shocked stellar wind

Shocked ISM
ISM

u1

u2

Rc

Rs

Rcd�Rfs=Rb

Figure 1. Schematic structure of a wind bubble excavated by a star cluster
into the ISM: 'B marks the position of the termination shock, 'cd the contact
discontinuity, and 'fs the forward shock.

that star clusters may in fact be prominent contributors to the flux
of CRs in the Galaxy.

2 THE BUBBLE’S STRUCTURE

The bubble excavated by the collective stellar wind launched by the
star cluster is schematically illustrated in Fig. 1: the central part is
filled with the wind itself, expanding with a velocity EF and density

d(A) =
§"

4cA2EF
, A > '2 , (1)

where '2 is the radius of the core where the stars are concentrated,
and §" is the rate of mass loss due to the collective wind. The
impact of the supersonic wind with the ISM, assumed here to have a
constant density d0, produces a forward shock at position 'fs, while
the shocked wind is bound by a termination shock, at a location 'B .
The shocked ISM and the shocked wind are separated by a contact
discontinuity at 'cd. The typical cooling timescale of the shocked
ISM is only ⇠ 104 yr, while the cooling time for the shocked wind
is several 107 yr which is comparable with the typical age of these
systems (Koo & McKee 1992a,b). As a consequence, the wind-
blown bubble spends the largest part of its life in a quasi-adiabatic
phase, meaning that the shocked wind is adiabatic while the shocked
ISM is cold and dense and compressed in a very thin layer, such that
we can approximate 'cd ' 'fs ⌘ '1 . Hence most of the volume
of the bubble is filled with the wind and the shocked wind. Below,
following Weaver et al. (1977) and Gupta et al. (2018) we provide a
simple approximation for the position in time of the forward shock
(FS) and the termination shock (TS). The mass accumulated at the
FS while moving in the ISM is " (') =

Ø '
0 4cA2d03A , where d0 is

the external density. The momentum of the material accumulated in
the thin shell between 'cd and 'fs is " (') §' and changes because
of the work done by the pressure % in the hot bubble:

3

3C

⇥
" (') §'

⇤
= 4c'2%. (2)

On the other hand, the energy density in the bubble is n =
4
3c'

3 %
W6�1 , where W6 is the adiabatic index, and it changes ac-
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THE RAM PRESSURE OF THE COLLECTIVE WINDS OF A STAR 
CLUSTER EXCAVATES A BUBBLE OF ~100 pc  

INSIDE THE BUBBLE A STANDING TERMINATION SHOCK IF 
FORMED WHERE PARTICLE ACCELERATION CAN TAKE PLACE 

THE  MAXIMUM ENERGY DEPENDS STRONGLY ON THE WIND 
VELOCITY 

FOR SHOCKS WITH V>3000 Km/s PeV ENERGIES CAN BE REACHED

4

The simple criterion discussed above, using Kolmogorov tur-
bulence, leads to:

⇢max ⇡ 1014 [1/2
⌫

§"11/10
�4 E37/10

8 d�3/5
1 C4/510

✓
!2
2pc

◆�2
eV. (13)

The expression for the di�usion coe�cient in Eq. (12) is valid
as long as the Larmor radius of particles is smaller than !2 . Using
Eq.(11) this constraint can also be written as:

⇢ . 6.8 ⇥ 1015 [1/2
⌫

§"1/5
�4 E2/5

8 d3/10
1 C�2/5

10

✓
!2
2pc

◆
eV. (14)

For larger energies,⇡ (⇢) / ⇢2, independent of the type of turbulent
cascading (see, for instance, Dundovic et al. 2020), and acceleration
quickly becomes ine�cient.

Imposing that ⇢max does not exceed the bound in Eq. (14) one
obtains the additional constraint:

§"9/10
�4 E33/10

8 d�9/10
1 C6/510

✓
!2
1pc

◆�3
. 69 (15)

One can see from Eq. (13) that in order to reach PeV energies, for
the reference values of the parameters one needs wind speeds of
⇠ 2500 km/s using [⌫ ⇠ 0.1. The constraint in Eq. (15) implies
that the wind speed be. 3600 km/s for the same reference values of
the other parameters (notice however the strong dependence upon
!2). It follows that a typical star cluster may produce particles with
energy in the PeV energy region, but not much larger than that. The
dependence of this conclusion upon the spectrum of the turbulence
in the wind region is relatively weak: if the turbulence follows a
Kraichnan cascading process, such that ⇡ (⇢) = E/3 (A!!2)1/2,
it can be easily seen that the maximum energy imposed by the
condition ⇡1 (⇢max)/D1 ⇡ 's reads

⇢max ⇡ 4 ⇥ 1014 [1/2
⌫

§"4/5
�4 E13/5

8 d�3/10
1 C2/510

✓
!2
2pc

◆�1
eV. (16)

In this case, in order to reach PeV energies one needs wind speeds
larger than ⇠ 2000 km s�1 for [⌫ ⇠ 0.1 and the other parameters
chosen at their reference values.

In both cases it appears that massive star clusters characterized
by large wind speeds can account for CR acceleration in the knee
region, provided turbulence can be developed down to small enough
scales to ensure resonant scattering. The time required for such a
cascade process to take place can be estimated (at the termination
shock) as

g2 ' !2
E�

= 2.9 E�1
8 [�1/2

⌫

✓
!2
2pc

◆
kyr, (17)

where E� = ⌫0/
p

4cd = [1/2
⌫

p
2 EF is the Alfvén speed (spatially

constant in the cold wind). The time g2 is clearly much shorter than
the dynamical time scale of a star cluster, but it is also required to be
shorter than the advection time of the wind across the region between
the star cluster and the termination shock, i.e. CF = 'B/EF . For our
standard parameters’ values we have g2/CF = !2EF/('BE�) ' 0.1.

For both models of turbulent cascading the dependence of the
maximum energy upon wind speed is rather strong (⇠ E3.7

8 for
Kolmogorov and ⇠ E2.6

8 for Kraichnan). This strong dependence is
the reason why the maximum energy is in the PeV region only for
very fast winds, while rapidly dropping to lower values for slower,
most common star cluster winds.

A comment about the expected spectrum of accelerated par-
ticles is in order. While DSA at a strong shock almost invariably
leads to a spectrum 5 (?) / ?�4, independent of the geometry of

the shock, multi-wavelengths observations of young SNRs (like Ty-
cho or Cas A) require a proton spectrum / ?�4.3 (Caprioli 2011).
Interestingly, the same spectral index is also inferred based upon
gamma-ray spectra measured from massive stellar clusters (Aha-
ronian et al. 2019), and inferred from CR transport in the Galaxy
(Evoli et al. 2019, 2020). From the theoretical point of view, some
deviations from the standard predicted spectra are expected when
the Alfvénic Mach number is finite and of order a few (Bell 1978).
In the case discussed above, the magnetic field at the shock is as
given in Eq. (11) and the Alfvén speed can be easily calculated
to be E�,1 = EF[1/2

⌫

p
2, for a strong shock. This means that the

Alfvénic Mach number is ⇠ 4.5. Because of the development of
turbulence in the upstream plasma, one can expect that the e�ec-
tive Alfvén speed, accounting for the waves moving in all direc-
tions, is vanishingly small. On the other hand, as shown by Caprioli
et al. (2020) using hybrid simulations, for self-generated perturba-
tions, downstream of the shock there seems to be a net velocity of
these waves in the direction away from the shock. In a parametric
form, we can write the mean velocity of the waves downstream as
Ē�,2 = j

p
11

2
p

2
[1/2
⌫ EF , where j = 0 for waves that are symmetrically

moving in all directions.
On a very general ground, the slope of accelerated particles is

determined by the e�ective compression ratio which accounts for
the average speed of the scattering centers:

f2 =
EF ,1

EF ,2 + Ē�,2
=

4

1 + 4.68j [1/2
⌫

. (18)

A spectral slope of 4.3 would require f2 = 3.3, which in turn would
imply j [1/2

⌫ = 4.5 ⇥ 10�2. Using as a reference value [⌫ ⇡ 0.1,
this condition translates to j ⇡ 14%. Hence an asymmetry at the
level of ⇠ 10 ÷ 15% in the modes would be su�cient to produce
spectra of accelerated particles somewhat steeper than ?�4.

3.2 Self-generated turbulence

On top of MHD turbulence, some level of magnetic field self-
generation is also expected due to the excitation of streaming insta-
bility by accelerated particles in the proximity of the termination
shock. Below we briefly discuss the resonant and the non-resonant
branch of this instability. If the spectrum of accelerated particles
is ⇠ ?�4, then the resonant instability produces a flat turbulence
power spectrum (Amato & Blasi 2006):

Fres =
✓
X⌫

⌫1

◆2
=

c

2
bCR
⇤

EF
E�

=
c

2
bCR
⇤

(2[⌫)�1/2, (19)

where we introduced ⇤ = ln(?max/<?2) ⇠ 13. Notice that here
we are assuming that the self-generated turbulence is produced on
top of a large scale field (yet turbulent on smaller scales). This is
a rather risky procedure for a few reasons: first, the instability is
calculated assuming that there is a regular, well defined field that
defines the unperturbed particle trajectories, not a turbulent field.
Second, in the presence of pre-existing turbulence, the growth of
the instability is quenched, as discussed by Farmer & Goldreich
(2004). In conclusion, the power spectrum reported above should
be considered as an absolute upper limit to the strength of the
phenomenon. In any case, one can see that Fres becomes of order
unity only for [⌫ . 10�4, a rather small value. In any case the
turbulent quenching would make this phenomenon of little impact.

Contrary to resonant modes, the non-resonant streaming insta-
bility (Bell 2004) is allowed to grow only if the energy density in
the CR current times EF/2 is smaller than the energy density in the

MNRAS 000, 1–11 (2021)
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ANTIMATTER FROM PULSARS
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FIG. 5. The computed interstellar secondary positron (red dash-dotted curve) and electron (blue solid curve) spectra. Absolute
measurements of the positron and electron fluxes by AMS-02 [16, 17] and PAMELA [76, 77] are also shown.

Finally, the contribution of the i-th source to the local flux of electrons or positrons is given by:

n
PWN

i
(t, E, r) =

1

2

1

b(E)

Z
t�t0

tBS

dt
0
b(E⇤)

QPWN(Es, t⇤)

[⇡�2
⇤]

3/2
⇥ ⌃(x, y,�⇤)�(z,�⇤) (24)

where E⇤ now satisfies �⌧(E,E⇤) = t � t0 � t
0 and �⇤ = �e(E,E⇤).

In Fig. 4, we illustrate the main qualitative di↵erences between the burst solution of the transport equation and
the case of continuous, time dependent injection discussed above. The figure shows the flux from an individual source
located at a distance from the Sun of 3 kpc, an age of 2 Myr, and with di↵erent initial period P0 � 30, 100, 300 ms.
The dotted line shows the burst solution while the other lines refer to the case of continuous injection. All curves are
normalized so as to have the same peak. Hence, the burst case does not depend on P0. Although there is an intrinsic
cuto↵ in the injection of pairs due to the potential drop, this has little influence on the spectra at the Earth which are
dominated by energy losses. The main di↵erence between the burst case and the case with time dependent injection
is in the high energy behaviour of the solution: the high energy part of the spectrum at Earth is increasingly more
populated when P0 is larger, because the source injects particles into the ISM for longer times. We compare this
result with the one obtained using the common assumption of a burst-like event, in which all positrons are released
at tBS. In doing so, we compute the flux as in Eq. 14, with the source term in Eq. 17 normalized to a total energy of:

Er(tage) =

Z 1

tBS

dt
0
Le±(t0) . (25)

The cut-o↵ in energy is taken to be the potential drop at the bow-shock formation. We notice however that this is
not really relevant since the observed cuto↵ is mainly determined by the energy losses.

C. Secondary leptons

Secondary electrons and positrons originate from the inelastic scattering of hadronic CRs (mainly protons and ↵-
particles) in the ISM. The main channel is the production of charged pions, although other processes also contribute.
Given the positive charge of the parent CR particles, a slight excess of positrons over electrons is expected [e.g. 78].

The steady-state source term for secondaries may be written in a general way as:

Qe±(Es, rs) = 4⇡ fISMnH(rs)

Z 1

Es

dEi

h
�H(Ei, r�) + 42/3�He(Ei, r�)

i d�
±
pp

dE
(Ei, Es) (26)



PULSAR WIND LAUNCHING



MORE ON THE MAGNETOSPHERE
THE MAGNETOSPHERE, FILLED 
WITH ELECTRON-POSITRON PAIRS 
IS FORCED TO COROTATE WITH THE 
STAR, AT LEAST OUT TO THE POINT 
WHERE THE CO-ROTATION SPEED 
EQUALS THE SPEED OF LIGHT. THIS 
IS CALLED THE LIGHT CYLINDER: 

INTERESTINGLY ENOUGH, ALL 
PROPERTIES OF THE PWN ARE 
MAPPED INTO PROPERTIES OF THE 
LIGHT CYLINDER



A SCHEMATIC VIEW OF A PWN

BLAST WAVE

CONTACT DISCONTINUITY

SHOCKED ISM

REVERSE SHOCK

PULSAR WIND

TERMINATION SHOCK 
(Acceleration site)

UNSHOCKED  
COLD WIND



COMPLEX MORPHOLOGIES

Kes 75 (Chandra)

(Gavriil et al., 2008)



THE STEREOTYPICAL PWN 

Primary emission mechanism is synchrotron radiation by 
relativistic particles in an intense (>few x 100 BISM) ordered (high 
degree of radio polarization) magnetic field

That a fast rotating Neutron Star could be the powering engine of the Crab was 
suggested before Pulsar discovery by Franco Pacini in 1967.



NEUTRON STAR BIRTH KICK AND ESCAPING THE PARENT SNR

FOR TYPICAL VALUES OF PARAMETERS 
THE NS LEAVES THE SNR ABOUT 40,000 
years AFTER EXPLOSION 

ARZOUMANIAN,	CHERNOFF,	&	CORDES,	2002



Spectra in bow shock nebulae 
Still spinning after escaping the SNR

IN THE TWO CASES of BSN OUTSIDE A SNR IN WHICH WE HAVE RADIO  
MEASUREMENTS WE INFER A SPECTRUM OF ACCELERATED PARTICLES  
WITH SLOPE ~-1.5

PSR	J1509−5850	
Slope	radio:	-0.26	
Slope	Electrons:	-1.52	
Ng	et	al.	2010	

The	Mouse	
Slope	radio:	-0.3	
Slope	Electrons:	-1.6	
Gaensler	et	al.	2004



LEPTONS AND ENERGY LOSSES
14

�20 �10 0 10 20
x [kpc]

�20

�10

0

10

20

y
[k

pc
]

1 Myr

Sagittarius-Carina
Scutum-Crux
Norma-Cygnus
Perseus
MW bar
Sun

5 10 15
x [kpc]

�6

�4

�2

0

2

4

6

y
[k

pc
]

1 Myr

100 GeV

1 Te
V 10 TeV

FIG. 6. The plot on the left shows the position of the explosions in the Galactic plane in a given realization and for a simulation
time of 1 Myr. In the same plot we show the loci of the 4-arms of the Milky Way spiral structure. The position of the Sun
is represented by the thick (blue) circle. The plot on the right shows a zoomed in version of this plot (centred on the Sun
location), where additionally we show the particle horizon for 3 di↵erent energies: 100 GeV, 1 TeV and 10 TeV.

aspect ratio. Furthermore, in this case SNe have a distance z away from the disk that follows a Gaussian distribution
with a scale height of ⇠ 1 kpc and mean of 0 pc.

If r̃ is larger than 3 kpc we choose the SN locations so that their projections lie on arms and subsequently we alter
them to simulate a spread about the arm centroids. Specifically, we first draw a random integer number between
1 and 4 assuming that the birthrate is proportional to the [CII] emissivity of each arm (see Table 4 in [84]). This
number identifies the arm in which the SN is located (Carina-Sagittarius, Crux-Scutum, Perseus or Norma-Cygnus,
as in Table 3 in [84]). At this point we choose at random the position of the source by drawing the coordinates �̃, and
z̃ from a distribution that is proportional to the emissivity function in the Eq. 9 of [84]. If not di↵erently stated, SNe
are generated at the canonical rate R = 3/century. We discuss the impact of changing this value in the next section.

In Fig. 6 we show the location of the sources in a given realisation of their distribution, for a simulation time of 1
Myr. The Sun is located at R� = 8.5 kpc along the positive x-axis. In the right panel of the same figure we zoom in
the source spatial distribution for a closer look at the vicinity of the Sun and we overplot the circles with radius �e

corresponding to energies of 100 GeV, 1 TeV and 10 TeV. This plot provides already a first visual assessment of the
decreasing number of sources able to contribute to the local flux as the electron energy increases.

More quantitatively, the sources that can contribute to the flux at Earth at a given energy E are those lying within
a distance from the Earth such that the propagation time is shorter than the loss time at that energy. In case of
uniformly distributed sources in the disc of the Galaxy, with radius Rg, the number of sources within a distance �e

from the Earth, exploding in a loss timescale ⌧loss would be:

N(E) ⇠
R⌧loss(E)�2

e
(E)

R2
g

. (29)

Since both ⌧loss and �
2

e
are decreasing functions of energy, this simple estimate shows that the number of contributing

sources is a rapidly decreasing function of energy. For Rg = 15 kpc, Eq. 29 gives ⇠ 2 ⇥ 104 sources contributing
at 100 GeV, and ⇠ 1.5 ⇥ 103 at 1 TeV. At 10 TeV only about ⇠ 100 sources can contribute. These numbers are
considerably larger than those reported in previous studies. The main reason for this di↵erence is that we adopted
a di↵usion coe�cient that was derived in recent studies of the AMS-02 data on primary and secondary nuclei [56],
which implied an energy dependence at low energies (� = 0.54) faster than in previous studies (for instance � = 0.33
was assumed in [37, 44]). Moreover, the analysis of the beryllium flux observed by AMS-02 led the authors of Ref. [23]
to conclude that the size of the Galactic halo should exceed ⇠ 5 kpc, larger than previously used. As a consequence
the normalisation of the di↵usion coe�cient is also required to be larger, thereby making the e↵ective volume where
sources can contribute to the lepton flux larger.
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FIG. 1. Left panel: Energy loss timescale for CR electrons as a function of energy during their propagation in the Galaxy.
The dashed line represents the total loss time, while the solid lines refer to the individual contributions of the magnetic field
(magenta line) or ISRF components. The shadowed region marks out the escape timescale from the Galaxy due to di↵usion.
Right panel: The average mean free path in the Galaxy of a lepton with energy E.

II. GREEN FUNCTIONS FORMALISM

The transport of CR electrons and positrons in the Galaxy is governed by di↵usion, convection, second order Fermi
acceleration and energy losses. If to restrict ourselves to energies & 20 GeV, the role of advection and reacceleration
(if any) can be neglected, and the transport equation reduces to the simpler form [55]:

@

@t
ne(t, E, r) = D(E)r2

ne(t, E, r) �
@

@E
[b(E)ne(t, E, r)] + Q(t, E, r) . (1)

Here, ne(r, t, E) = dN/dV dE is the isotropic part of the di↵erential CR lepton density and is related to the di↵erential
flux as � = (d4N)/(dEdAdtd⌦) = nec/4⇡ since we used the assumption that the particles we are dealing with are
relativistic. The source density rate is Q(r, t, E) ⌘ dN/dEdV dt, D(E) is the energy-dependent isotropic di↵usion
coe�cient, and b(E) ⌘ dE/dt is the rate of energy losses. For simplicity we assume that both di↵usion and energy
losses are spatially uniform through the Galaxy. As usual, Eq. 1 is solved with the so-called free-escape boundary
condition at z = |H|, H being the height of the halo, namely ne(z = ±H) = 0. We neglect particle escape in the radial
direction, a good approximation so far as the distance of the Sun to the radial boundary is larger than the size H of
the halo. The di↵usion-advection equation can also be written for nuclei and the transport parameters, most notably
the di↵usion coe�cient and the halo size, can be tuned to the observed secondary-to-primary flux ratios [56, 57].
Following [56], we adopt for the di↵usion coe�cient a broken power-law functional form:

D(E) = 2vAH + D0

✓
E

GeV

◆�
"
1 +

✓
E

Eb

◆��/s
#�s

, (2)

where s = 0.1, �� = 0.2, and Eb = 312 GeV are, respectively, the smoothing, the magnitude and the characteristic
energy of the break, and we adopt for these parameters their best-fit values as derived from fitting the H and He
spectra. The slope of the di↵usion coe�cient � and the Alfvén velocity vA can be fitted to the ratios of secondary
to primary nuclei, mostly boron to carbon (B/C) and boron to oxygen (B/O). As far as the normalization D0 and
the halo size H are concerned, only their ratio can be constrained by this kind of analysis, rather than the value
of each independently. On the other hand, using the flux of unstable isotopes (in particular 10Be), the halo size H

can be e↵ectively constrained, although with much larger uncertainty (see [23, 24]). In the following, we use the
parameter values provided by [23], where the halo size was found to be H & 5 kpc. We fix H = 5 kpc for the sake of
definitiveness, and then D0 = 2.2 ⇥ 1028 cm2/s, � = 0.54, and vA = 5 km/s.

Evoli et al. 2020, 2021
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FIG. 11. Left panel: Spectrum of electrons from SNRs (red dashed line), from pulsars (blue solid line) and as secondary
products of CR interactions (orange solid line). The total flux of electrons is shown as a red solid line. Right panel: positron
fraction compared with data from PAMELA [12], Fermi-LAT [90] and AMS-02 [16]. In both panels the shaded area shows the
e↵ect of fluctuations due to the stochastic nature of sources.

if we artificially remove the KN e↵ect on the energy loss rate so that b(E) / E
2 for each of the ICS channels and

for synchrotron losses. This case requires a harder injection spectrum to reproduce the low energy data but is clearly
unable to reproduce the electron measurements over the entire energy range, even after accounting for the contribution
of PWNe.

The positron fraction is shown in the right panel of Fig. 11. The fluctuations at two standard deviations as due
to the stochastic nature of the sources (shaded area) are also shown and compared with the ratio as measured by
PAMELA [12], Fermi-LAT [90] and AMS-02 [16]. The rising positron fraction is naturally reproduced by the pulsar
contribution to the positron flux. At energies of a few hundred GeV, where the spectrum of positrons from pulsars
becomes steeper, the fraction starts declining slightly. However, since the cuto↵ associated with the potential drop
of pulsars is typically at much higher energy than the maximum energy of electrons accelerated in SNRs, for E & 5
TeV the predicted positron fraction shows an uprise. On the other hand at the same energies fluctuations due to the
stochastic nature of sources become large and the positron fraction at these energies is expected to show a rather
irregular trend. Current data at high energies, as shown in the right panel of Fig. 11, have insu�cient accuracy to
clearly highlight these e↵ects.

The spectrum of e+ + e
� as derived here and used to calculate the positron fraction is shown in Fig. 12 (red solid

curve) together with the corresponding data. The di↵erent contributions (from pulsars, SNRs and CR interactions)
are shown separately. The total spectrum exhibits a clear trend towards a decline, shown by the data and well
reproduced by the results of our calculations. At energies & 10 TeV, the flux of e+ + e

� is typically dominated by a
few local and recent sources, a fact that reflects in a sensible increase of the fluctuations.

Moreover, in the right panel of Fig. 12 we show a sample of 20 random lepton spectra from the MonteCarlo
computation. Note that the spectrum from each realization is rather smooth up to ⇠ 10 TeV, while at higher energies
several features appear reflecting the occasional contribution of local and recent sources. We discuss more in detail
the e↵ect of local sources in §V D.

Evoli et al. 2021
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REDUCED DIFFUSIVITY INDUCED 
BY COSMIC RAYS

See also presentation by B. Schroer



A NOVEL VIEWPOINT
Whether we think about particle acceleration or transport in the Galaxy or on cosmological distances or near a gamma 
ray burst or a supernova the non thermal particles behave as a bunch of charged particles in motion —> A CURRENT 
propagating in a plasma which is made in turn of charged particles 

This simple consideration, that our group here has championed in the last few years, leads to a flood of implications: 

 THESE PARTICLES EXCITE COLLECTIVE EFFECTS WHICH, UNDER CERTAIN CONDITIONS, BECOME UNSTABLE 

 THE INSTABILITY CAN CREATE COLLECTIVE E-M FIELDS WHICH IN TURN AFFECT THE CURRENT 

 THE PERTURBED DISTRIBUTION OF PARTICLES STARTS HAVING A DYNAMIC EFFECT ON THE SURROUNDING MEDIUM 

 THESE INSTABILITIES ARE THE REAL REASON WHY PARTICLES GET ACCELERATED AND DIFFUSE IN ANY MEDIUM!  

 CLOSE TO REGIONS WHERE THE CURRENTS ARE LARGER, DRAMATIC EFFECTS EXPECTED 
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REDUCED DIFFUSIVITY AROUND SOURCES
INDEPENDENT SIGNATURES OR REGIONS OR REDUCED SENSITIVITY AOURND SOURCES (PULSARS, STAR CLUSTERS, SUPERNOVA 
REMNANTS) 

PERHAPS COSMIC RAYS THEMSELVES ARE ABLE TO CAUSE THESE REGIONS 

THE ACTION IS EASILY INDUCED BY THE STREAMING OF COSMIC RAYS THROUGH KINETIC INSTABILITIES (D’angelo,PB&Amato+2015, 
2016, 2018) 

OR A COMBINATION OF STREAMING AND HYDRODYNAMICS (Schroer+2020, in preparation)
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2D HYBRID SIMULATIONS OF THIS PHENOMENON3

self-consistently simulate the long-term, large-scale cou-
pling of CRs and background plasma than fully-kinetic
PIC codes since they do not need to resolve small electron
scales, usually dynamically negligible.

In simulations, physical quantities are normalized to
the number density (n0) and magnetic field strength
(B0) of the initial background plasma. Lengths, time
and velocities are respectively normalized to the ion in-
ertial length di = c/!pi, to the inverse ion cyclotron fre-
quency ⌦�1

ci , and to the Alfvén speed vA, being c the
light speed, !pi the ion plasma frequency and mi the
ion mass. The background ion temperature is chosen
such that �i = 2v2th,i/v

2
A = 2, i.e. thermal ions gyro-

radius rg,i = di. The system is 2D (x � y) in physical
space and retains all three components of the momenta
and electromagnetic fields. We discretized the simulation
grid, of size 5000 ⇥ 7000 di, with 7500 ⇥ 10500 cells (i.e.
�x = �y ' 0.66di). Open boundary conditions are im-
posed in each direction for the CRs and on x for the back-
ground plasma; the y direction is periodic for thermal
particles. A background magnetic field, directed along x
and of strength B0, is embedded in the simulation do-
main. The background plasma, described with Nppc = 4
particles per cell, has density n0 and its distribution is
Maxwellian. The speed of light is set to 20 vA and the
time step is 0.01⌦�1

ci . CRs, discretized with Nppc = 16,
are injected at the left boundary at x = 0 in a small
stripe 3200di < y < 3800di with an isotropic momentum
distribution with ptotal = 100mvA, i.e. Lorentz factor
� ⇡ 5, and nCR = 0.0133n0.

Results - As discussed above, the excitation of stream-
ing instability acts as a bootstrapping process for seed-
ing the over-pressurised region around the source. Al-
though this may be expected to take place even due to
resonant streaming instability alone, we showed above
that, around a source, CRs streaming away ballistically
(at least in the beginning) can excite a non-resonant
Bell instability. In principle, this configuration may
also produce other instabilities, e.g. driven by pressure
anisotropies [34] Once the particles start scattering on
these instabilities, they will start to move slower in the
x-direction, hence their spatial density increases. This
can be seen in the top three panels of Fig. 1, where we
plot the CR density nCR at three di↵erent times in the
simulation. Several interesting aspects arise from this
figure: first, at early times, CR presence is limited to a
small region around the injection location, and the region
occupied by CRs has basically the same transverse size
as the source itself (in fact somewhat larger because the
particles are injected isotropically, hence CRs are initially
distributed on a region that exceeds the source size by a
Larmor radius on both sides of the injection region). Par-
ticles are still streaming ballistically in the x-direction.
At later times, the density of CRs around the source
increases and the region filled by CRs expands in the
transverse direction as a result of the over-pressurisation
of the flux tube due to scattering. The force associated

FIG. 1. Contour plots of the CR density (top row), of the
background plasma density (center), and of the perpendicular
component of the magnetic field (bottom) at three times in
the simulation. A movie showing the time evolution of these
quantities is provided as Supplemental Material [35] .

with the gradient of CR pressure in the perpendicular
direction causes a partial evacuation of the plasma pre-
viously located inside the bubble, as can be seen in the
central panels of Fig. 1 (gas density, ngas). While the
bubble expands, the gas density in the center of the bub-
ble decreases while the gas density on the outskirts of
the bubble increases and density waves are launched out-
wards in the simulation box. In fact we stop the simu-
lation when those waves reach the boundary, where we
impose periodic conditions in the y direction.
The bubble expansion triggered by CR scattering is

due to the generation of magnetic perturbations in the
directions perpendicular to the initial background mag-
netic field, which are initially absent. This is illustrated
in the last row of plots of Fig. 1, where we show B?
at three di↵erent times. At early times there is virtually
no turbulent magnetic field. The streaming of particles
along the x-direction drives the formation of a highly-
structured B?. The self-generated magnetic field follows
the expansion of the bubble and determines the local rate
of particle scattering in the whole volume filled by CRs.
There is no doubt that the magnetized region extends in
the perpendicular direction as the bubble expands. The
magnetic field seems particularly strong on the edges of
the bubble, signalling that the bubble is wrapped in an
envelope of swept up compressed field lines. Inside the
bubble the field is irregular, as it should be if responsible
for CR scattering.
The fact that CR transport in the region surround-

ing the source gets profoundly a↵ected by this turbulent

Schroer+, 2021, Dynamical effects of cosmic rays leaving their sources  

 THE EXCITATION OF THE INSTABILITY LEADS TO 
STRONG PARTICLE SCATTERING, WHICH IN TURN 
INCREASES CR DENSITY NEAR THE SOURCE  

 THE PRESSURE GRADIENT THAT DEVELOPS CREATES A 
FORCE THAT LEADS TO THE INFLATION OF A BUBBLE 
AROUND THE SOURCE 

 THE SAME FORCE EVACUATES THE BUBBLE OF MOST 
PLASMA 

 THERE IS NO FIELD IN THE PERP DIRECTION TO START 
WITH, BUT CR CREATE IT AT LATER TIMES (SUPPRESSED 
DIFFUSION, about 10 times Bohm)
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ESCAPE OF CR FROM THE GALAXY
COSMIC RAYS ESCAPING THE GALAXY ON kpc SCALES CONSERVE THEIR 
CURRENT (CONSERVATION OF FLUX == LIOUVILLE THEOREM)  

IF  

THEN THE SAME INSTABILITY GETS EXCITED AND LEADS TO GROWTH OF 
THE FIELD TO THIS VALUE

Escaping
Cosmic Rays

2

assumed for simplicity that the sources of CRs are lo-
calized in an infinitely thin disc and that CRs can freely
escape at the edge of the halo |z| = H, where nCR ! 0.
This results in

nCR(z, E) = ngal(E)

✓
1� |z|

H

◆
, (2)

which implies that CRs escape from the boundary of the
halo with a flux

�CR(E) = �D(E)
@ngal

@z
= D

ngal

H
=

LCR

2⇡R2
d
⇤
E

�2
, (3)

where we have assumed that CRs are injected in the
Galaxy with a luminosity LCR and a spectrum /
E

�2 extending between Emin and Emax, and ⇤ =
ln(Emax/Emin). Eq. 3 clearly shows that, as expected,
the spectrum of escaping CRs is the same as the injected
spectrum. If, as commonly assumed, CRs propagate bal-
listically outside the Galactic halo and into the inter-
galactic medium, then their density immediately outside
the halo boundary can be easily estimated from flux con-
servation as nCR,ext(E) = 3�CR/c. For our purposes,
however, the assumption of ballistic motion is not essen-
tial. In fact we focus on the current carried by CRs with
energy > E, given by JCR = eE�CR(E). As discussed
in [6] a non-resonant instability is induced by this cur-
rent provided the energy flux associated with the escap-
ing particles is larger than c times the magnetic energy
density pre-existing the current:

E
2
�CR

c
>

B
2
0

4⇡
, (4)

where we assumed that a regular magnetic field of
strength B0 is present in the circumgalactic medium
(CGM) around our Galaxy. The instability is excited on
scales that are initially much smaller than the Larmor
radius of the particles dominating the current, namely at
wavenumber

kmax =
4⇡

cB0
JCR =

4⇡

cB
2
0

E
2
�CR

rL(E)
, (5)

and with a growth rate �max = kmaxvA, where vA =
B0/

p
4⇡⇢ is the Alfvén speed in the unperturbed field

and the density ⇢ is written as �G⌦b⇢cr, where ⇢cr =
1.88⇥ 10�29

h
2 g cm�3 is the critical density of the uni-

verse and we use ⌦bh
2 = 0.022. The parameter �G & 1

allows us to account for an overdensity of baryons around
the Galaxy.

The condition for the excitation of the non-resonant
instability, Eq. 4, translates into a condition on the back-
ground magnetic field

B0  Bsat ⇡ 2.4⇥ 10�8
L
1/2
41 R

�1
10 G (6)

where L41 is the CR luminosity of the Galaxy in units of
1041 erg s�1 and R10 is the radius of the galactic disk in

units of 10 kpc. We assumed Emax = 1PeV . However
this parameter only enters all estimates logarithmically.
In order to check whether Eq. 6 is likely to be sat-

isfied, one can estimate an upper limit on B0 based
on equipartition with the thermal energy density: for
a CGM density �G⇢cr⌦b and temperature T , this results

in Bth  2⇥10�9G�
1/2
G

T
1/2
4 , where T4 is the gas temper-

ature in units of 104 K. We expect B0 well below Bth in
most cases, which suggests that it is safe to assume that
the condition for the development of the non resonant
instability is typically satisfied away from the Galaxy,
where �G . a few hundreds.
When the instability is excited, its growth proceeds at

a rate

�max = kmaxvA ⇡ 0.5 yr�1
�
�1/2
G

E
�1
GeVL41R

�2
10 . (7)

For reasonable values of �G the time for growth is ex-
tremely short compared to all other relevant timescales,
so that the field rapidly grows. The growth initially hap-
pens on scales k

�1
max

much smaller than the Larmor ra-
dius of the particles dominating the current, so that the
current is only weakly a↵ected by the growth. On the
other hand, at the same time a force ⇠ JCR�B/c is ex-
erted on the background plasma, that gets displaced by
an amount �r ⇠ �BJCR/c⇢�

2
max

. The instability even-
tually saturates when the scale �r becomes of the same
order of magnitude of the Larmor radius, which implies

�B ⇡ Bsat ⇡

s
2LCR

c R
2
d
⇤

(8)

It is important to notice that, for a spectrum N(E) /
E

�2, �B is the same on all scales, so that the di↵usion
coe�cient is expected to be Bohm-like. Moreover �B is
independent of the initial magnetic field strength and the
density of background plasma.
The Bohm di↵usion coe�cient corresponding to this

situation is

D(E) =
1

3

E c

e�B
⇡ 1.4⇥1024 EGeV L

1/2
41 R10 cm

2 s�1
. (9)

In other words, the original assumption of free streaming
of CRs after escaping our Galaxy leads to the apparently
contradicting result that the instability they excite is suf-
ficient to induce a di↵usive motion with short scattering
length, hence particle di↵use very e↵ectively as soon as
they find themselves in a region where condition 6 is sat-
isfied. On the other hand this conclusion does not really
depend on any specific assumption on the physics of par-
ticle propagation, while only based on conservation of the
energy flux constantly injected in our Galaxy in the form
of CRs.
Much discussion has appeared in the literature con-

cerning the saturation of the instability. A comprehen-
sive study of the topic [3] has highlighted two processes
that may limit the saturation field to lower values than
the one derived above. The first is the progressive in-
crease with growing field strength of the fastest growing

CR GET SELF-TRAPPED IN A BUBB;E 
AROUND THE GALAXY AND THEIR DENSITY 
GROWS. THIS PHENOMENON RESULTS IN 
ENHANCED NEUTRINO PRODUCTION

4

FIG. 1. Flux of isotropic di↵use gamma ray emission (blue)

as measured by Fermi-LAT [8] and flux of astrophysical neu-

trinos as measured by IceCube [4, 5] (red). The (green) hori-

zontal lines show the expected flux of neutrinos from pp col-

lisions in the circumgalactic medium, for the overdensity �G
as indicated.

obtain
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✓
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⇤
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3/2
G

GeVcm�2s�1sr�1
, (16)

where we assumed that the neutrino energy is related
to the energy of the parent proton by E⌫ = ⌘E, with
⌘ ⇠ 0.05. For simplicity we neglected the weak energy
dependence of the cross section for neutrino production,
which is known to increase slowly with energy, so as to
lead to a slight increase in the neutrino flux at high en-
ergy.

The estimated flux of di↵use neutrinos is plotted in
Fig. 1 (green horizontal lines) for di↵erent values of the
overdensity �G. In the same figure we show the flux of
astrophysical neutrinos measured by IceCube [4, 5] and,
for comparison, the flux of gamma rays that Fermi-LAT
associates with an isotropic extragalactic origin [8]. One
can see that the if the overdensity of baryonic gas in
the circumgalactic medium is of order ⇠ 100, then the

expected neutrino flux is comparable with the one mea-
sured by IceCube. It is worthwhile to mention that the
virial radius of our Galaxy, which is of order ⇠ 100 kpc,
is defined as the radius inside which the mean overden-
sity is 200. Hence a value of �G ⇠ 100 � 200 appears to
be quite well justified on scales of ⇠ 10 kpc.
A few caveats should be stressed: 1) the fluxes shown

in Fig. 1 have been obtained in the simple case that the
injection spectrum from individual supernovae (or what-
ever other sources of Galactic CRs) is N(E) ⇠ E

�2. A
steeper injection spectrum reflects in a correspondingly
steeper spectrum of the neutrino flux. At the present
level of investigation of the complex phenomenon of in-
teraction of escaping CRs with the CGM, considering
additional complications would shed no more light on
the relevant physics. 2) In the estimate above we did
not include a spectral suppression at some maximum en-
ergy. Such suppression is expected to reflect in a change
of slope rather than a cuto↵ in the CR source spectrum
[9, 10], that would lead to a somewhat lower neutrino
flux at the highest energies.

Conclusions: the escape of CRs from our Galaxy is
required by the assumption that at energies & 10 GeV
stationarity is reached between injection at the sources
and escape. This equilibrium is observationally visible in
the decrease with energy of the ratio between the fluxes
of secondary and primary nuclei, most notably the B/C
ratio. Escape is not well understood and is usually mod-
elled by imposing the existence of a free escape boundary
located at a few kpc from the disc. At such boundary it
is assumed that the CR transport becomes ballistic in
nature. In reality we expect that the di↵usion coe�cient
becomes increasingly larger away from the disc, so that
at some point particles can be assumed to stream freely.
We showed that, independently of the details of the prop-
agation physics, the current of such escaping CRs in the
circumgalactic medium is such that a rapidly growing,
non resonant instability is excited as soon as the back-
ground magnetic field is lower than ⇠ 2 ⇥ 10�8 Gauss.
The growth of the instability leads to three main con-
sequences: 1) a quasi-scale invariant magnetic field is
generated with a strength ⇠ 2 ⇥ 10�8 Gauss over a dis-
tance ⇠ 10 kpc from the Galaxy. 2) The pressure gradi-
ent of CRs scattering on such magnetic fluctuations sets
the background plasma around our Galaxy in motion, so
that CRs are advected away with the plasma at a speed
⇠ 10� 100 km/s. 3) The occasional interactions of CRs
with the CGM produce a quasi-isotropic neutrino flux
at Earth, that is comparable with the flux observed by
IceCube, provided the local baryon overdensity is ⇠ 100.
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UNPRECEDENTED RATE OF NEW AND OFTEN UNEXPECTED RESULTS IN THE FIELD 

IMPRESSIVE CONNECTION BETWEEN MICROPHYSICS AND LARGE SCALES 

AS DISCUSSED IN PREVIOUS PRESENTATIONS, MANY NEW EXPERIMENTAL AND 
OBSERVATIONAL FACILITIES ARE STARTING - NO LACK OF RICH SCIENCE CASES 

THE RECENT DETECTION OF GW FROM COMPACT SOURCES HAS SHOWN THE POWER OF THE 
SO-CALLED MM APPROACH, ADOPTED FOR DECADES IN THIS FIELD 

THE GROUP(S) AT GSSI OPERATE AT A STRATEGIC MOMENT AND WITH STRATEGIC CHOICES 
THEY CAN RETAIN THE ROLE OF LEADERSHIP THAT THEY CONQUERED

FUTURE
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